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Abstract
Within the Local Universe galaxies can be studied in great detail star by star, and here we review
the results of quantitative studies in nearby dwarf galaxies. The Color-Magnitude Diagram
synthesis method is well established as the most accurate way to determine star formation history
of galaxies back to the earliest times. This approach received a large boost from the exceptional
data sets that wide field CCD imagers on the ground and the Hubble Space Telescope could
provide. Spectroscopic studies using large ground based telescopes such as VLT, Magellan,
Keck and HET have allowed the determination of abundances and kinematics for significant
samples of stars in nearby dwarf galaxies. These studies have shown how the properties of
stellar populations can vary spatially and temporally. This leads to important constraints to
theories of galaxy formation and evolution. The combination of spectroscopy and imaging and
what they have taught us about dwarf galaxy formation and evolution is the aim of this review.
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... Les gens ont des e´toiles qui ne sont pas les meˆmes. Pour les uns, qui
voyagent, les e´toiles sont des guides. Pour d’autres elle ne sont rien que de
petites lumie`res. Pour d’autres qui sont des savants elles sont des proble`mes.
(Antoine de Saint-Exupe´ry, Le Petit Prince, XXVI)
1 Introduction
What is a dwarf galaxy? Past definitions always focus on size (e.g., Hodge, 1971; Tam-
mann, 1994), and the presence of a dark matter halo (e.g., Mateo, 1998). Is there any
other physical property that distinguishes a dwarf galaxy from bigger galaxies? Are the
differences merely due to the amount of baryonic matter that is retained by a system
during its evolution? In general, large late-type galaxies sit on the constant central sur-
face brightness ridge defined by Freeman (1970), and appear to have managed to retain
most of the baryons they started with. Conversely for galaxies which lie below this limit
it seems that the fainter they are, the higher the fraction of baryons they have lost. This
could be due to Supernova winds and/or tidal interactions, which are effective when a
galaxy lacks a suitably deep potential well to be able to hold onto to its gas and/or met-
als. The galaxies above this central surface brightness limit are either currently forming
stars very actively, such as Blue Compact Dwarfs (BCDs), or they have had very active
star formation activity in the past (e.g., Elliptical galaxies).
The definition of a galaxy as a dark matter halo naturally excludes globular clusters,
which are believed not to contain any dark matter, and also do not contain complex
stellar populations or any evidence of enrichment. The structural properties of globular
clusters (see Fig. 1) tend to support the idea that they are distinct from galaxies. This
definition also excludes tidal dwarfs, and indeed we do not consider them here as they are
more a probe of the disruption of large systems. They are a different category of objects
that formed much later than the epoch of galaxy formation. There are also no obvious
nearby examples of tidal dwarfs where the resolved stellar population can be accurately
studied.
Here we aim to build upon the outstanding review of Mateo (1998) and leave behind
the idea that dwarf galaxies are in any way special systems. Many galactic properties
(e.g., potential well, metallicity, size) correlate with mass and luminosity, and all types
of galaxies show continuous relations in structural, kinematic and population features
between the biggest and the smallest of their kind (e.g., see Fig. 1). Part of our aim in
this review is to investigate these trends and learn from them. The only justification to
segregate dwarf galaxies from other types is to study specific aspects of galaxy formation
and evolution on a small scale.
The taxonomy of dwarf galaxies typically opens a Pandora’s box. At a very influential
conference held at the Observatoire de Haute-Provence in 1993 G. Tammann gave a
working definition: all galaxies that are fainter than MB ≤ −16 (MV ≤ −17) and
more spatially extended than globular clusters (see dotted lines in Fig. 1) are dwarf
galaxies (Tammann, 1994). This is broadly consistent with the limit of mass at which
outflows tend to significantly affect the baryonic mass of a galaxy. This includes a
number of different types: early-type dwarf spheroidals (dSphs); late-type star-forming
dwarf irregulars (dIs); the recently discovered very low surface brightness, ultra-faint,
dwarfs (uFd); centrally concentrated actively star-forming BCDs. The new class of even
more extreme ultra-compact dwarfs (UCDs) are identified as dwarf galaxies form spectra
but are of a similar compactness to globular clusters (see Fig. 1).
As has been stated throughout the years (Kormendy et al., 2008, and references
therein), a morphological classification is only useful if it incorporates a physical un-
derstanding of the processes involved. However, at present this understanding is not
complete and hence structural parameters and their relations may give us clues to the
underlying physics. But we also have to be careful not to over-interpret these global
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measures, especially when we cross over from structurally simple to more complex sys-
tems (e.g., from early type spheroidals to late type disk-halo star-forming systems). This
requires care to establish a meaningful comparison of the same properties of such differ-
ent systems. This has most commonly been done using basic parameters such as surface
brightness and absolute magnitude and physical size of the systems. In Fig. 1 we show
these familiar relations. These kinds of plots were first made by Kormendy (1985), and
have been used to great effect by Binggeli (1994) and more recently by Belokurov et al.
(2007b).
Fig. 1 illustrates how dwarfs compare with all other galaxies with no real evidence of a
discontinuity, as already noted by Kormendy (1985). From a comparison of the absolute
magnitude (MV ) and central surface brightness (µV ) of galaxies (upper plot in Fig. 1),
the early and late-type dwarfs (from Irwin & Hatzidimitriou, 1995; Mateo, 1998; Whiting,
Hau & Irwin, 1999; Hunter & Elmegreen, 2006) appear to fall along similar relations,
overlapping with BCDs and other larger late-type systems (from Hunter & Elmegreen,
2006) as well as faint spiral galaxy disks and those galaxies defined as spheroidals by
Kormendy et al. (2008). This means systems which resemble late-type galaxies in their
structural properties but are no longer forming stars. The uFds are clearly separated but
arguably follow the same relation as the other dwarfs (from Simon & Geha, 2007; Martin,
de Jong & Rix, 2008). There are clear distinctions in Fig. 1 between elliptical galaxies
(from Faber et al., 1997; Kormendy et al., 2008) and other types, with the exception of
spiral galaxy bulges. Similarly there are also clear distinctions between Globular clusters
(from Harris, 1996) and any other type of galaxy, with the exception of galactic nuclei.
The position of M 32 in the Elliptical galaxy region is consistent with it being a low-
luminosity Elliptical galaxy (e.g., Wirth & Gallagher, 1984) and not a dwarf galaxy, or
even a tidally stripped larger system. There is evidence that ω Cen, with its clear spread
in Main Sequence Turn-offs (MSTOs), Red Giant Branch (RGB) sequences and chemical
abundances, maybe be the stripped central remnant of an early-type system (e.g., Lee
et al., 1999; Pancino et al., 2000; Bekki & Freeman, 2003), and its position in Fig. 1 is
consistent with that of galactic nuclei. It is interesting to note that ω Cen and nuclei
also lie in the same region as the UCDs (from Evstigneeva et al., 2008).
The Magellanic Clouds move in and out of the dwarf galaxy class, which is not sur-
prising as at least the Small Magellanic Cloud (SMC) lies near the boundary of the
luminosity definition of dwarf class (see Fig. 1). The fact that the Magellanic Clouds are
interacting with each other and our Galaxy makes it more difficult to determine their
intrinsic properties. The Large Magellanic Cloud (LMC) appears to be similar to low
luminosity spiral galaxies, such as M 33, in terms of mass, luminosity and size. The SMC
on the other hand more resembles the larger dIs in the Local Group (e.g., NGC 6822,
IC 1613), with similar mass, luminosity and metallicity of star-forming regions.
In the lower plot of Fig.1 the varying physical size scales of different galaxy types
and globular clusters are shown by plotting MV against the half-light radius r1/2, after
Belokurov et al. (2007b). In this plot there is a clear (and unsurprising) trend for more
luminous galaxies to be larger. The Ellipticals clearly fall on a distinct narrow sequence
(which is a projection of the fundamental plane). Dwarf galaxies, i.e., BCDs, late-type
and spheroidal galaxies fall along a similar, although offset, tilted and more scattered
relation to the Elliptical galaxies. “Classical” Local Group dSphs clearly overlap with
Irregular and BCD types. The uFds appear in a somewhat offset position. This is
perhaps due to difficulties in accurately measuring the size of such diffuse objects, or it
may be a real difference with other dwarf galaxies.
From Fig. 1 it can be seen that there is no clear separation between dwarf galaxies
and the larger late-type and spheroidal systems. The dIs, BCDs, dSphs, late-type and
spheroidal galaxies tend to overlap with each other in this parameter space. The overlap-
ping properties of early and late-type dwarfs has long been shown as convincing evidence
that early-type dwarfs are the same as late-type systems that have been stripped of their
gas (Kormendy, 1985). This is quite different from the distinction between Ellipticals
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and Spirals (and Spheroidals), which show a more fundamental difference (Kormendy
et al., 2008). There is no clear break which distinguishes a dwarf from a larger galaxy,
and hence the most simple definition does not have an obvious physical meaning, as
recognised by Tammann (1994).
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Figure 1: Here are plotted the relationships between structural properties for
different types of galaxies (after Kormendy, 1985; Binggeli, 1994; Kormendy et al.,
2008), including as dotted lines the classical limits of the dwarf galaxy class as
defined by Tammann (1994). In the upper plot we show the absolute magnitude,
MV , vs. central surface brightness, µV , plane, and in the lower plot the MV
vs. half light radius, r1/2, plane. Marked with coloured ellipses are the typical
locations of Elliptical galaxies & bulges (red), spiral galaxy disks (blue), galac-
tic nuclei (dashed magenta) and large early (spheroidals) and late-type systems
(dashed black). Galactic globular clusters are plotted individually as small black
points. M 31, the Milky Way (MW), M 33 and LMC are shown as blue open
triangles. Some of the BCDs with well studied CMDs are marked as blue solid
squares. The peculiar globular clusters ω Cen and NGC 2419 are marked close
to the globular cluster ellipse; M 32 in the region of Elliptical galaxies; the SMC
near the border of the dwarf class. The Ultra-compact dwarfs (UCDs) studied
in the Virgo and Fornax clusters are marked with magenta crosses. Local Group
dwarf galaxies are plotted as open pentagons, blue for systems with gas and green
for systems without gas. The recently discovered uFds are given star symbols,
and the same colour code. For references and discussion see text.
Whatever the precise definition of sub-classes, dwarf galaxies cover a large range of size,
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surface brightness and distance, and so they are usually studied with different techniques
with varying sensitivity to detail. Some galaxies are just easier to study than others
(due to distance, size, concentration, location in the sky, heliocentric velocity etc.). This
also leads to biases in understanding the full distribution of properties of a complete
sample (e.g. Koposov et al., 2008). Because of this the properties and inter-relations of
the various types of dwarf galaxies are not always easy to understand.
The classic dichotomy is between early and late-type dwarf galaxies. It is not easy
to compare the properties of dwarf galaxies which have on-going star formation (e.g.,
dIs, BCDs), with those that do not (e.g., dSphs). Indeed, the properties which can be
measured, and then compared, are often different from one type of galaxy to another. The
dSphs do not contain gas and so their internal kinematics can only be determined from
stellar velocity dispersions. In gas rich dIs, on the other hand, the internal kinematics
can be easily determined from the gas and their distance makes them challenging targets
to determine stellar velocities from RGB stars. Likewise abundances in dIs are typically
[O/H] measurements in young HII regions whereas in dSphs they are usually [Fe/H]
coming from individual red giant branch (RGB) stars over a range of ages.
Galaxies in which the individual stars can be resolved are those which can be studied
in the greatest detail. These are primarily to be found in the Local Group, where
individual stars can be resolved and photometered down to the oldest main sequence
turnoffs (MSTOs). This provides the most accurate star formation histories (SFHs)
going back to the earliest times. In the Local Group spectra can be taken of individual
RGB stars at high and intermediate resolution, providing information about the chemical
content as well as the kinematics of a stellar population. The most accurate studies of
resolved stellar populations have been made in Local Group dwarf galaxies which are the
numerically dominant constituent (e.g., Mateo, 1998).
Historically the first dwarfs to be noticed in the Local Group, leaving out the Magel-
lanic Clouds which are clearly visible to the naked eye, were the early-type dwarf satellites
of M 31. M 32 and NGC 205 (M 110) were first catalogued by C. Messier in the 1770,
NGC 185 by W. Herschel in 1787 and NGC 147 by J. Herschel in 1829. The spatially ex-
tended but low surface brightness dIs were first noticed somewhat later, e.g., NGC 6822
(1881, by E.E. Barnard), IC 1613 and WLM (early 1900s, by M. Wolf). In all cases
these galaxies were catalogued as “faint nebulae”. It was not until the discovery (by
H. Leavitt in 1912) and application to NGC 6822 (by E. Hubble 1926) of the Cepheid
distance scale that they were realised to be (dwarf) extra-galactic systems. In 1938 H.
Shapley discovered the first low surface brightness dwarf spheroidal galaxies, Sculptor
(Scl) and Fornax (Fnx), around the MW. From the 1930s onwards extensive observing
campaigns led to the compilation of large catalogs of dwarf galaxies extending beyond
the Local Group, such as Zwicky’s catalogs and the Uppsala General Catalog (UGC)
initiated by E. Holmberg.
Over the last 50 years there has been a steady stream of new discoveries of dwarf
galaxies in the Local Group, and also in other nearby groups and clusters. The Local
Group discovery rate has dramatically increased recently thanks to the Sloan Digital
Sky Survey (SDSS; e.g., Adelman-McCarthy et al., 2007) and a new class of uFds (e.g.,
Willman et al., 2005; Zucker et al., 2006b; Belokurov et al., 2007b) has been found around
the MW. However there remains some uncertainty about the true nature of these systems.
Thus dwarf galaxies provide an overview of galaxy evolution in miniature which will
also be relevant to understand the early years of their larger cousins and important phys-
ical processes which govern star formation and its impact on the surrounding interstellar
medium. There remain issues over the inter-relations between different types of dwarf
galaxies, and what (if any) is the connection with globular clusters. When these relations
are better understood we will be a significant step closer to understanding the formation
and evolution of all galaxies.
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2 Detailed Star Formation Histories
The field of resolved stellar population studies was initiated by W. Baade in the 1940s
when he first resolved dwarf satellites of M 31 into individual stars and from their color
distribution he realised that they were a different “population” from what is typically
seen in our Galaxy (Baade, 1944a,b). These were simplified using the terms Population I
for young stars and Population II for old stars. Thus the importance of determining
accurate star formation histories (SFHs) of dwarf galaxies was recognized long ago and
over the years many different approaches have been followed. The earliest quantitative
results came from the determination by Searle, Sargent & Bagnuolo (1973) of how the
color of the integrated light of different galaxy types reflected their SFH. This work
was extended and improved upon in an extensive series of papers by Gallagher, Hunter
and collaborators starting in the early 1980s, (e.g., Gallagher, Hunter & Tutukov, 1984;
Hunter & Gallagher, 1986, and references therein). They used various different indicators
(e.g., colors and spectrophotometry, Hα luminosity, and emission line ratios) to estimate
the star formation rates (SFRs) at different epochs for large samples of late-type irregular
galaxies, including dwarfs.
The transformation in this field occurred around 15 years ago, when the power and res-
olution of a new generation of telescopes (particularly the Hubble Space Telescope, HST)
and detectors (large format CCDs) allowed accurate photometry and thus detailed Color-
Magnitude Diagrams (CMDs) of individual stars in crowded fields of external galaxies
to be made. The CMD of a stellar system retains information about the past SFH, as
it preserves the imprint of fundamental evolutionary parameters such as age, metallicity
and Initial Mass Function (IMF) in such a way that it is possible to disentangle them.
2.1 Techniques: Synthetic CMD analysis
At the beginning of last century, stars were found to group themselves in temperature-
luminosity ranges (observed as color and magnitude), in the Hertzsprung-Russell Dia-
gram; and it was later understood that the positions of stars in a CMD represent the
evolutionary sequences of stellar populations. Since the 1950s large numbers of detailed
CMDs have been derived for star clusters and nearby dwarf galaxies (e.g., Hodge, 1971,
and references therein). However it was not until the advent of modern CCDs and analy-
sis techniques of the early 1980s that the field really took off for complex galactic systems,
like dwarf galaxies.
Until about twenty years ago all stellar age dating used isochrone fitting, which is
appropriate for simple stellar populations such as star clusters, but a serious over-
simplification for the interpretation of the composite stellar populations of galaxies. In
galaxies numerous generations of stars, with different metallicities and ages contribute
to the appearance of the observed CMD. Thus a new approach was needed to make the
most of the new and accurate CMDs, a method to determine a quantitative SFH: the
synthetic CMD method.
The synthetic CMD method determines the variation of the SFR within the look-back
time reached by the available photometry, namely the SFH. It is based on comparing
observed with theoretical CMDs created via Monte-Carlo based extractions from stel-
lar evolution tracks, or isochrones, for a variety of star formation laws, IMFs, binary
fractions, age-metallicity relations, etc. Photometric errors, incompleteness and stellar
crowding factors also have to be estimated and included in the procedure to fully re-
produce an observed CMD (e.g., Tosi et al., 1991; Aparicio et al., 1996; Tolstoy, 1996;
Dolphin, 1997). A combination of assumed parameters is acceptable only if the resulting
synthetic CMD satisfactorily reproduces all the main features of the observational one.
This means morphology, luminosity, color distribution, and number of stars in specific
evolutionary phases. Different authors use different approaches to assess the quality of
the fit, typically using a form of likelihood analysis comparing the model and the data
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Figure 2: The effect on the CMD of different SFHs for a hypothetical galaxy
(see text for more details). All CMDs contain 50000 stars, assume Salpeter’s IMF
and are based on the Padova stellar evolution models (Fagotto et al., 1994a,b).
A constant metallicity is assumed, and the value is indicated in the top-right
corner of each panel. In all panels the colors correspond to different stellar ages.
The color codes for the top and bottom CMDs are shown in the central panel of
each row. The dotted lines are drawn to help visualise the differences between
the various cases. Top-central panel: the SFR is constant from 13 Gyr ago to
the present. Top-left panel: the effect of concentrating recent SFR into the last
20 Myr. Top-right panel: the same SFH as in the top-central panel, but with a
ten times lower metallicity. Bottom-central panel: an old burst of star formation
overlying a constant SFR from 13 to 10 Gyr ago. Bottom-left panel: two old
bursts, one with a constant SFR from 13 to 10 Gyr ago and the other from 9 to
8 Gyr ago, where only 10% of the stars were born in the younger burst. Bottom-
right panel: the same old SFH as in the bottom-central panel, but with a ten
times lower metallicity.
within the uncertainties of the measurement errors. The method is intrinsically statistical
in nature and cannot provide a unique solution for the SFH for a number of reasons, but
it usefully limits the range of possible scenarios (e.g., Tolstoy & Saha, 1996; Hernandez,
Gilmore & Valls-Gabaud, 2000; Dolphin, 2002; Aparicio & Gallart, 2004). The theoreti-
cal uncertainties in the stellar evolution models also influence the numerical results and
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have to be treated carefully (see Gallart, Zoccali & Aparicio, 2005, for a review).
2.1.1 An Example: Fig. 2 shows examples of how CMDs reflect different SFHs
in a hypothetical galaxy. Here we have assumed a distance modulus of (m-M)0=19,
reddening E(B-V)=0.08 and photometric errors and incompleteness typical of HST pho-
tometry with the Wide Field Planetary Camera 2 (WFPC2). Thus these CMDs could
apply to a typical SMC field observed with the WFPC2. In all panels the number of
stars and the IMF are the same, and what changes from panel to panel is the metallicity
and the SFH. In the top panels all stellar evolution phases are visible: the blue plume
typical of late-type galaxies, populated by massive and intermediate-mass stars on the
main-sequence, and in the most metal poor case also by brighter blue loop stars; the
red clump and blue loops of stars in the core helium burning phase; the Asymptotic
Giant Branch (AGB) and RGB; the sub-giant branch; the oldest MSTOs and the main-
sequence of the lower mass stars. In the lower panels of Fig. 2 we see a much simpler old
SFH. On the left is the effect of a burst on top of this old population, and on the right
a different metallicity. Fig. 2 (the top panels in particular) emphasizes the challenge in
interpreting real CMDs: observed data points don’t have convenient labels indicating
their age and metallicity, and unraveling different sub-populations overlying each other
is challenging
One important issue in the derivation of the SFH from a CMD is the metallicity
variation of the stellar population. If no spectroscopic abundance information is available
(which is unfortunately frequently the case), the metallicity is assumed to be that of
the stellar evolution models with colors and CMD morphology in best agreement with
the empirical CMD. This is often a particularly uncertain assumption because some of
the key evolutionary sequences in the CMD can be heavily affected by age-metallicity
degeneracy. For instance, metal-rich RGB stars from a relatively young (a few Gyrs
old) population can occupy the same region in a CMD as a more metal-poor, but older
population. Without a spectroscopic estimate of the metallicity, it is impossible to break
this degeneracy, unless the MSTOs are also observed. This is often not the case and one
has to deal with the inevitable uncertainty. A further aspect of the effect of metallicity
is related to the rather coarse grids of different initial chemical compositions that stellar
evolution models are actually computed for. Despite the commendable efforts by stellar
evolution modellers, complete sets of homogeneous models covering the entire stellar
mass range are limited to a few key metallicities (e.g., Z=0.02, 0.008, 0.004, 0.0004,
0.00004). Thus synthetic CMDs assuming a smoothly varying age-metallicity relation
have to be created by interpolating between the available metallicities, and this adds to
the uncertainty in the derived SFH.
2.1.2 Testing the Reliability: In 2001 the different procedures to statisti-
cally determine SFHs from about 10 groups, using a variety of different assumptions and
stellar evolution models, were compared in the Coimbra Experiment (see, Skillman & Gal-
lart, 2002, and references therein). This experiment showed that, despite all the different
assumptions, modelling procedures and even stellar evolution models, most synthesis
methods provided consistent results within their uncertainties. This was again shown in
the HST/WFPC2 study of the dI IC 1613 (Skillman et al., 2003) where a synthetic CMD
analysis was carried out independently by 3 different people (representing 3 independent
modelling approaches) and again the results were reassuringly similar (see Fig. 3). These
WFPC2 data, however, did not reach the oldest MSTOs in IC 1613 and the SFH at
the earliest epochs therefore remained uncertain with these data. More recent deep ob-
servations with the HST/ACS, as part of the LCID project (Gallart & The Lcid Team,
2007), do reach the faint oldest MSTOs in IC 1613, but in a different field. Interestingly
its CMD is quite different from that of Skillman et al. (2003), as it lacks the dominant
younger component and it is reproduced by an almost constant SFR with time. This
new LCID ACS field is situated at a galacto-centric radius similar to that of the WFPC2
CMD, but, by their nature, irregular galaxies are often asymmetric and these differences
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Figure 3: Comparison of SFHs for dI IC 1613 derived via three different methods
(Cole, Dolphin & Tolstoy), from Skillman et al. (2003). Note the enhanced levels
of SFR between 3 and 6 Gyr ago which appear in all three models. Also shown
are the age-metallicity relations which were derived in each case.
are not surprising. This reminds us of the dangers of looking at a small fraction of these
complex systems.
With a sufficient investment in telescope time we can resolve individual stars down to
the oldest MSTOs in all the galaxies of the Local Group, and use the resulting CMDs
to infer their SFHs over the entire Hubble time. This kind of analysis has been obtained
for only a handful of galaxies to-date. If the oldest MSTOs are not reached, then the
look-back time depends on which features of the CMD can be resolved: Horizontal
Branch (HB) stars are >10 Gyr old but hard to interpret in terms of a SFH, except
to say that there are ancient stars. RGB stars are at least 1−2 Gyr old, but without
further information it is impossible to be quantitative about the SFH because of the age-
metallicity degeneracy. Of course younger populations are much brighter and obtaining
the SFH over the last Gyr, especially in actively star-forming galaxies, is possible even
well beyond the Local Group.
2.2 Observations: Dwarf Galaxies in the Local Group
In spite of all the uncertainties, and perhaps because most of them are well treated in a
Monte-Carlo approach, the first applications of the synthetic CMD method immediately
showed the powerful capability to provide detailed new perspectives (e.g., Ferraro et al.,
1989; Tosi et al., 1991; Greggio et al., 1993; Marconi et al., 1995; Gallart et al., 1996; Tol-
stoy, 1996). These early studies found that the SFH not only differs significantly from one
galaxy to another, but also according to where one looks within the same galaxy. It was
shown that star formation in late-type dwarfs usually occurs in long episodes of moder-
ate intensity separated by short quiescent phases (gasping regime; Marconi et al., 1995),
rather than in short episodes of strong intensity separated by long intervals (bursting
regime).
When WFPC2 became available after the first HST refurbishment at the end of 1993, it
created a tremendous amount of interest and enthusiasm in the field of SFH research (e.g.,
see reviews, Tolstoy, 2003; Dolphin et al., 2005, and references therein) because WFPC2
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provided such accurate, well defined and deep CMDs. In 2002, the Advanced Camera
for Surveys (ACS) on HST yet again improved the possibilities, reaching a photometric
depth and resolution that is likely to remain unequalled for quite a long time (e.g., see
review, Tosi, 2007a, and references therein).
To date, a significant fraction of Local Group galaxies have been studied using the
synthetic CMD method to infer their SFH with varying degrees of depth and accuracy,
see Tables 1 & 2. Many of the galaxies in these tables, and several not included, for which
HST/WFPC2 data exist, have been compiled by Holtzman, Afonso & Dolphin (2006),
and their SFH homogeneously derived by Dolphin et al. (2005). Homogeneous data sets
and analyses are valuable to obtain a uniform overview of dwarf galaxy properties in the
Local Group.
Tables 1 & 2 are presented in a uniform way to allow an easy comparison between the
synthetic CMD analyses for different galaxies over a range of distances. In these Tables
we do note if there is supporting evidence for an ancient population (i.e., RR Lyr variable
stars) that is not clearly seen in the CMD (e.g., the HB and/or the oldest MSTOs are
not visible). Leo A is a good example of this, where the presence of RR Lyr variable
stars show that there is an ancient stellar population that is not apparent from the CMD
(see Fig. 5). This is also true for NGC 6822, and for some of the early-type galaxies.
In Tables 1 & 2 we have included the most recent distance measurements, with refer-
ences, in column 2. We have then updated the absolute magnitude, MV , typically from
Mateo (1998), in column 3. We include the physical size (the Holmberg radius, rh) of
each galaxy in arc-minutes, in column 4. This is to highlight the fraction of the area of
the galaxy covered by the instrument used to image the galaxy, which is given in col-
umn 5. In columns 6−9 we have given an overview of the depth and detail of the CMD
analysis allowed by the different data sets. Sometimes there is more than one data set
per galaxy: column 6 lists the faintest feature detectable in the CMD; column 7 indicates
if populations of ≤ 10 Myr were detected or not; column 8 indicates if populations in the
range 2−8 Gyr are detected; and column 9 indicates if populations older than 10 Gyr
were detected. In the case where a column contains a “?” this means that the CMD was
not deep enough to determine if stars in this age range exist. A column which contains an
“x” means that stars of this age were explicitly not detected. In the last three columns
we give an overview of the spectroscopic measurements that exist for individual stars
(columns 10, 11) and HII regions in column 12. Column 10 indicates, with a reference, if
individual stars in the galaxy have been observed at low resolution (R<10 000), typically
to determine metallicities, from a single indicator, or kinematics. Column 11 indicates,
with a reference, if individual stars in the galaxy have been observed at high resolution
(R>18 000), to determine abundances of different elements. In late-type galaxies typ-
ically these analyses are carried out on young massive stars (e.g., B super-giants), and
for the closer by early-type galaxies, which do not contain young stars, this typically
means RGB stars. In column 12 we indicate if HII region spectroscopy has been carried
out (obviously this is only possible in galaxies with recent star formation). It should be
noted that we have not included all synthetic analyses. In some cases there are multiple
studies of one system, and in this case usually the most recent is quoted. Sometimes
however the older study is not superseded (usually because it covers a more significant
fraction of the system), and in this case more than one study is listed. In the particular
case of studies of several large dSphs (Table 2), we have included more than one study
based on the same HST data where the results were not the same (e.g., Carina dSph).
The 3D physical spatial distribution of the different types of dwarf galaxy in the Local
Group has been displayed in increasing detail over the last years (e.g., Grebel, 1999)
and most recently by Mateo (2008), including the newly discovered uFds as well as
globular clusters and also the most recent version of the morphology-density relation.
This shows that galaxies which are currently forming stars are preferentially to be found
more than ∼300 kpc away from the MW, and thus the difference between the distribution
of dSph and dI around the MW gives a clear indication of the possibility of morphological
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Figure 4: On the left-hand side is a CMD of the Carina dSph (taken by M. Mateo
with the CTIO4m and MOSAIC camera, private communication) in the central
30′ of the galaxy. This clearly shows the presence of at least 3 distinct MSTOs. On
the right-hand side is shown the SFH of the central region of Carina determined
by Hurley-Keller, Mateo & Nemec (1998), showing the relative strength of the
different bursts.
transformation.
2.2.1 Early-type Dwarf Galaxies: Early-type galaxies, such as dSphs, are
typically associated with large galaxies like our own. They are among the systems closest
to us, with the majority at distances < 130 kpc, although there are also several more
distant examples. Arguably the new uFds are an extension of the dSph class down
to much lower luminosities. The dSph systems typically look very much like the old
extended stellar populations which appear to underlie most late-type systems. This
suggests that the major difference is that they lack gas and recent star formation, an
hypothesis supported by their overlapping structural properties (see Fig. 1). They have
typically not formed stars for at least several 100 Myr (e.g., Fnx), and in several cases
for much longer (e.g., the Scl dSph apparently formed the majority of its stars more than
10 Gyrs ago).
The proximity of dSphs makes it easier to carry out studies of their resolved stel-
lar populations, although this requires wide field instrumentation to efficiently gain an
overview as they are typically > 1 degree across on the sky. The most famous example
is Carina, which has been much studied over the years. It was one of the first galaxies
shown, from deep wide field imaging on the CTIO 4m telescope, to have completely
distinct episodes of star formation (Smecker-Hane et al., 1996; Hurley-Keller, Mateo &
Nemec, 1998), identified by three distinct MSTOs in the CMD (see Fig. 4, left-hand side).
These distinct MSTOs translate into a SFH (see Fig. 4, right-hand side) which consists
of three separate episodes of star formation, with the SFR apparently going to zero in
between. The existence of a complex SFH was already inferred from the properties of
its variable stars (Saha, Hoessel & Krist, 1992), and the red clump and HB morphology
(Smecker-Hane et al., 1994) but it took synthesis analysis of a CMD going down to the
oldest MSTOs to quantify it (Hurley-Keller, Mateo & Nemec, 1998). The resulting SFH
is displayed in Fig. 4.
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There have been a number of consistent studies of the Galactic dSphs using HST
(Hernandez, Gilmore & Valls-Gabaud, 2000; Dolphin, 2002). These analyses are typi-
cally hampered by the small field of view of HST, compared to the size of the galaxies.
Especially as we now know that even these small systems have population gradients, the
small field-of-view HST studies are very dependent upon where the telescope is pointing.
There are also more distant dSph galaxies, such as Cetus and Tucana, which display all
the characteristics found in the closer-by dSphs, but they are at distances much beyond
the halo of the MW and M 31. Tucana is at a distance of 880 kpc and Cetus is at
775 kpc (see Table 1). Both these galaxies have been looked at in great depth by the
LCID HST/ACS programme (Gallart & The Lcid Team, 2007). Preliminary results for
Cetus can be seen in the right hand panel of Fig. 5 (Monelli et al., in prep.). It looks very
similar to a predominantly old dSph, like Scl, and it is likely not to have formed any stars
over the last 8 Gyr. The small hint of blue plume in the CMD (in Fig. 5) is most likely
due to blue stragglers. These are old stars that are known to exist in Galactic dSphs (e.g.,
Mapelli et al., 2007; Momany et al., 2007), and which have undergone mass transfer and
appear rejuvenated, but should not be confused with more recent star formation activity.
Wirth & Gallagher (1984), first made the distinction between diffuse and compact
dEs, namely between NGC 205-like and M 32-like galaxies, immediately confirmed by
Kormendy (1985) for a larger sample. The issue has been comprehensively reviewed by
Kormendy et al. (2008), who show that the physical properties of M 32 place it as a low-
luminosity Elliptical galaxy (see Fig. 1). This also suggests that M 32 is not compact
because of any kind of tidal pruning, but because of their intrinsic evolutionary history
and/or formation scenario.
Compact objects like M 32 are rare (there is only one in the Local Group), whilst more
diffuse dwarfs, like dSphs and NGC 205 are much more common. Thus the three compact
systems around M 31 NGC 205, NGC 185 & NGC 147 are all big spheroidals, not small
ellipticals, as is clear from their position in Fig. 1. These systems have typically not had
much attention from CMD synthesis modelling, see Table 2. This is probably due to the
fact that they are quite distant, and compact, which makes accurate photometry very
challenging even with the help of HST.
There is in addition the class of UCDs which appear to be found only in nearby galaxy
clusters, such as Fnx (e.g., Evstigneeva et al., 2008). They may be objects like ω Cen,
which is now often considered to be the tidally stripped nucleus of a compact system.
The structural properties of ω Cen and UCDs clearly overlap (see Fig. 1). They have
also been proposed to be low-luminosity Ellipticals like M 32, but Fig. 1 would tend to
argue against this.
2.2.2 Late-type Dwarf Galaxies: These galaxies have long been well stud-
ied in the Local Group, and they have proved themselves valuable tools for understanding
the wider Universe, starting from the monitoring of Cepheid variable stars in NGC 6822
by E. Hubble in 1925, and the subsequent realisation that a larger Universe existed be-
yond our MW. The dIs have also long been used as probes of metal-poor star formation,
both young and old. They still retain HI gas, and are thus, with a few curious excep-
tions, typically forming stars at the present time as they have probably done over their
entire history, with a variety of rates, from extremely low (e.g., Pegasus) to zero (e.g.,
transition systems DDO 210, LGS 3) to relatively high (e.g., NGC 6822, SMC). The dIs
were the first systems to which synthetic CMD analysis was applied (e.g., WLM, Sex-
tans B). They are a numerous and often fairly luminous class within the Local Group.
They are typically at a distance >400 kpc (the SMC being a notable exception), see
Table 1. Studies down to the oldest MSTOs of dIs typically require HST-like sensitivity
and image stability.
HST has had a large impact on studies of these systems. The exceptionally detailed
CMDs from WFPC2 allowed for the first time the clear distinction between the main
sequence and the blue loop sequence in young metal-poor systems (e.g., Sextans A, Dohm-
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Figure 5: HST/ACS CMDs and SFHs for three Local Group dwarf galaxies:
LGS 3 a transition type dwarf galaxy (Hildago et al. in prep); Leo A a dwarf
irregular (Cole et al., 2007); and Cetus a distant dwarf spheroidal galaxy (Monelli
et al. in prep.). These results come from the LCID project (Gallart & The Lcid
Team, 2007; Cole et al., 2007), which is a large programme designed to exploit
the exquisite image quality of the HST/ACS to obtain uniquely detailed CMDs
going back to the oldest MSTOs for a sample of dwarf galaxies. The SFHs in the
lower panels come from synthetic CMD analysis.
Palmer et al., 1997). Photometric errors previously blended these sequences in “the blue
plume” and there were debates about the reliability of the theoretical predictions of blue
loop stars. These stars have been subsequently shown to be powerful tools for mapping
the spatial variations in the SFR over the last 800 Myr (Dohm-Palmer et al., 1998, 2002).
The resulting space/time variations are intriguingly reminiscent of the predictions of the
stochastic self-propagating star formation proposed by Seiden, Schulman & Gerola (1979)
30 years ago, with star formation coming and going in different regions over periods of
several hundred Myr.
The HST/ACS CMD of Leo A (from Cole et al., 2007), see Fig. 5 (central panels), is
one of the deepest and most accurate ever made for a dI. The SFR as a function of time
over the entire history of the galaxy was determined using synthetic CMD analysis (see
Fig. 5), and it was found that 90% of the star formation in Leo A happened during the
last 8 Gyr. There is a peak in the SFR 1.5−3 Gyr ago, when stars were forming at a level
5−10 times the current rate. The CMD analysis of Leo A only required a very slight
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metallicity evolution with time. The mean inferred metallicity in the past is consistent
with measurements of the present-day gas-phase oxygen abundance. There appears to
have been only a small and uncertain amount of star formation in Leo A at the earliest
times, as the HB is very weak in the CMD in Fig. 5. The error bars on the SFH (see
Cole et al., 2007) show that from CMD analysis alone this ancient population is not well
defined. The only definite proof of truly ancient stars in Leo A comes from the detection
of RR Lyrae variable stars (Dolphin et al., 2002).
Fig.5 also shows a preliminary HST/ACS CMD and SFH derived for LGS 3 (Hildago
et al., in prep), which is a transition type galaxy. This means that it contains HI gas,
but no very young stars (no HII regions, and no super-giants). From the CMD it looks
like it has been forming stars at a low rate for a very long time with a gradually declining
rate, and the present day hiatus is just a normal event in its very low average SFR.
2.2.3 Ultra-faint dwarf galaxies An ever increasing number of extremely
faint systems (uFds) are being found by SDSS around the MW. As displayed in Fig. 1
they appear somewhat offset in the MV - r1/2 plane, although this may be due to the
observational difficulties in accurately determining their physical extent. In the MV - µV
plane they appear to be the extension of the dSph sequence to lower luminosity rather
than a new class of object. However it is clear from both plots in Fig. 1 that especially
the fainter of these new systems exist in a region where the extension of classical dwarf
galaxies and globular cluster sequences may lie. In several cases the properties of the
uFds appear to resemble more diffuse (perhaps tidally disrupted) metal poor globular
clusters rather than dwarf galaxies. From a careful study of the structural properties
of uFds (Martin, de Jong & Rix, 2008) it can be seen that these new systems range in
absolute magnitude from MV = −1.5 (Segue I) to MV = −8.0 (Leo T). Leo T and CVn I
(MV = −7.9) are the two brightest of these new systems although they are measurably
fainter and with lower surface brightness than any of the “classical” dwarfs they are
consistent with a lower luminosity extension of the dI and dSph type galaxies. There are
∼8 systems at −7 < MV < −4.0 (Boo I, UMa I, UMa II, Leo IV, Leo V, CVn II, Coma
and Her), and most of the rest are at MV > −3.0 (e.g., Wil I, Segue I, Segue II and
Boo II & III). The more luminous and populous CVn I contains a mix of Oosterhoff type
I & II RR Lyr variable stars (Kuehn et al., 2008), as is typical for dSph, whereas the
fainter systems do not. So far most of these new uFds have been found in the immediate
vicinity of the MW. The bright systems Leo T, at 410 kpc, and CVn I, at 218 kpc are
the most distant, and the typical distances of the fainter systems range between 23 kpc
(Seg I) & 160 kpc (Leo IV, CVn II). These faint and diffuse systems are challenging to
study and it is virtually impossible to detect them beyond these distances.
Some of these new systems have had their stellar populations analysed using the syn-
thetic CMD method (e.g., de Jong et al., 2008b). However the SFHs, and even the basic
physical properties of the faintest of these systems can be particularly sensitive to the
effect that large and uncertain Galactic contamination brings to small number statistics
(e.g., Martin, de Jong & Rix, 2008). In several cases it is impossible to distinguish the
stars which are in uFds from those in the MW without spectroscopic follow-up, and
even then they are often found to only contain few RGB stars, or to have kinematics
almost indistinguishable from either the Sagittarius (Sgr) tidal streams or the Galaxy
(e.g., Geha et al., 2009). This makes separating these systems out from the surrounding
stars and determining their properties quite challenging.
Another approach is to look for distinctive stellar populations, such as blue HB (BHB)
stars, or RR Lyr variable stars which clearly stand out from the Galactic stellar popula-
tion. These are usually still small number tracer populations but at least they are clear
markers of the spatial extent and age of these small and faint systems (e.g., for Boo I,
Dall’Ora et al., 2006). In the case of Leo V it can be seen from the BHB stars that the
galaxy has a much more extended stellar component than the half-light radius would
suggest (Belokurov et al., 2008, see Fig. 6,). These smallest systems are clearly being
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disrupted and understanding what they were before this process began is challenging.
It is possible that some of these systems are no more than over-density enhancements
along a stream, and possibly along streams related to Sgr. For example, Segue I has the
same space and velocity distribution of a supposed ancient leading arm of Sgr, wrapped
520o around the MW (e.g., Geha et al., 2009). Similarly Boo II and Coma are believed to
lie within streams originating from Sgr. In the case of Leo IV and Leo V they lie on top of
(although clearly behind) the Orphan stream, and thus kinematic information is needed
to hope to disentangle their stars from the complex fore/background stellar populations
lying in that direction. The newly discovered Segue II system (Belokurov et al., 2009) is
also found to lie along the edge of a Sgr stream and to perhaps be embedded in a stream
of its own. In this case it is postulated to be evidence for groups of galaxies falling onto
the MW simultaneously.
Figure 6: From Belokurov et al. (2008). Left: The density of RGB candidate
members selected from photometry. The extent of Leo V as judged from two
half-light radii is marked. Right: The locations of BHB candidate members.
Note that the BHB distribution is elongated and more extended than that of the
RGB stars. Black dots are RGB stars with spectroscopy, v⊙ ≈ 173 kms
−1 and
low equivalent width of the MgT feature.
2.2.4 The Small Magellanic Cloud: The closest galaxies (excepting some
of the new uFds) are the Magellanic Clouds, and their SFHs can be studied in quite
some detail. The SMC is an irregular galaxy at the boundary of the dwarf class. As can
be seen from Fig. 1, this does not have a clear physical distinction, and the cut-off is
arbitrary. Hence, the SMC can be considered the closest late-type dwarf. It shares key
properties with this type of galaxy: high gas content, low current metallicity (Z≃0.004
in mass fraction) and low mass (between 1 and 5 ×109M⊙ Kallivayalil, van der Marel &
Alcock, 2006), near the upper limit of the range of masses typical of late-type dwarfs.
The SMC hosts several hundreds star clusters and several populous clusters, covering
all ages from 11 Gyr (NGC 121, e.g., Glatt et al., 2008) to a few Myr (e.g., NGC 346
and NGC 602, Sabbi et al., 2007; Cignoni et al., 2009).
Accurate photometry down to the oldest MSTOs is feasible from the ground, although
time consuming, and HST allows measurements of both the oldest and the youngest
objects, including pre-MS stars, although with fields of view covering only a tiny fraction
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of the galaxy. While stars at the oldest MSTOs and sub-giant branch are the unique
means to firmly establish the SFH at the earliest epochs, pre-MS stars are precious tools
to study the details of the most recent SFH (Cignoni et al., 2009), in terms of time
and space behaviour. The SMC regions of intense recent star formation can provide key
information on the star formation mechanisms in environments with metallicity much
lower than in any Galactic star forming region. As an example, Fig. 7 shows the CMD
of the young cluster NGC 602 in the Wing of the SMC, observed with HST/ACS. Both
very young stars (either on the upper MS or still on the pre-MS) and old stars are found.
The SFH of the cluster and the surrounding field is also shown, revealing that the cluster
has formed most of its stars around 2.5 Myr ago, while the surrounding field has formed
stars continuously since the earliest epochs. The SFR in this SMC region appears to be
quite similar to that of Galactic star forming regions (Cignoni et al., 2009, and references
therein).
−0.5 0 0.5 1 1.5 2 2.5
V−I
13
15
17
19
21
23
25
V
8.5 9 9.5
log (age/yr)
0.001
0.002
0.003
0.004
SF
R
6.5 7.5 8.5 9.5
log (age/yr)
0.1
0.2
0.3
SF
R 
(10
−
3  
M
Su
n 
yr
−
1 )
Figure 7: Left-hand panel: CMD of the HST/ACS field around the young cluster
NGC 602 in the SMC. The bright blue plume contains the young cluster stars.
The red sequence of pre-MS stars of lower-mass which have not yet made it on
to the main sequence are also easily recognisable. Also visible are the old Main
Sequence and evolved stars of the SMC field population. Notice that the lower
Main Sequence is only populated by field stars, since the cluster stars with mass
below ∼1 M⊙ haven’t yet had time to reach it. Right-hand panel: corresponding
SFH as derived with the synthetic CMD method (Cignoni et al., 2009). The
oldest part of the SFH is shown as an inset panel in the upper right.
Despite being the nearest dI system, the SMC has been less studied than might be
expected. For instance the SFHs derived from synthetic CMDs, have so far only been
based on a few ground-based studies (Harris & Zaritsky, 2004; Chiosi et al., 2006; Noe¨l
et al., 2007), and a few HST-based ones on small individual regions (Dolphin et al., 2001;
McCumber, Garnett & Dufour, 2005; Cignoni et al., 2009). New extensive surveys to
infer the SFH of the whole SMC back to the earliest epochs are planned (Cioni et al.,
2008; Tosi et al., 2008), both at visible and near infrared wavelengths.
Harris & Zaritsky (2004) were the first to apply the synthetic CMD method to the
derivation of the SMC SFH. They mapped the whole SMC from the ground and concluded
that 50% of its stars are older than 8.4 Gyr and diffused over the whole body of the
galaxy. They also found an indication of a long period of moderate (possibly zero)
activity between 3 and 8.4 Gyr ago. Their photometry however didn’t reach the oldest
MSTO and all the studies (Dolphin et al., 2001; McCumber, Garnett & Dufour, 2005;
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Noe¨l et al., 2007; Cignoni et al., 2009; Tosi et al., 2008) which do reach it indicate that,
although present, stars older than 8 Gyr do not dominate the SMC population. From
the latter studies, the population bulk seems to peak at ages somewhat younger than
6–9 Gyr essentially everywhere in the SMC main body.
2.3 Beyond the Local Group
The dwarf galaxies which have been studied using the CMD synthesis method beyond the
Local Group are predominantly actively star forming BCDs (e.g., I Zw 18; NGC 1705).
These galaxies are typically quite distant, but as there are no obvious BCDs in the
Local Group (with the possible exception of IC 10 hidden behind a lot of foreground
obscuration from the MW) there is no other possibility to study this class of actively
star forming, yet low metallicity, systems.
In galaxies beyond the Local Group, distance makes crowding more severe, and even
HST cannot resolve stars as faint as the MSTO of old populations. The further the dis-
tance, the worse the crowding conditions, and the shorter the look-back time reachable
even with the deepest, highest resolution photometry. Depending on distance and in-
trinsic crowding, the reachable look-back time in galaxies more than 1 Mpc away ranges
from several Gyrs (in the best cases, when the RGB or even the HB are clearly identi-
fied) to several hundreds Myr (when AGB stars are recognized), to a few tens Myr (when
only the brightest super-giants are resolved). To date, the unique performances of the
HST/ACS have allowed us to resolve individual stars on the RGB in some of the most
metal-poor BCDs, e.g., SBS 1415+437 at 13.6 Mpc (Aloisi et al., 2005) and I Zw 18 at
18 Mpc (Aloisi et al., 2007). The discovery of stars several Gyrs old in these extremely
metal-poor galaxies is key information for understanding these systems and placing them
in the proper context of galaxy formation and evolution studies.
Figure 8: SFHs of late-type dwarfs outside the Local Group. In all panels the
SFR per unit area as a function of time is plotted. The thin vertical line indicates
the look-back time reached by the adopted photometry. References: NGC 1569,
Greggio et al. (1998); Angeretti et al. (2005); NGC 1705, Annibali et al. (2003);
I Zw 18, Aloisi, Tosi & Greggio (1999); I Zw 36, Schulte-Ladbeck et al. (2001);
Mrk 178, Schulte-Ladbeck et al. (2000); UGC 5889, Vallenari, Schmidtobreick &
Bomans (2005).
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Not many groups have embarked on the challenging application of the synthetic CMD
method beyond the Local Group (for a summary see Tosi, 2007b) and most of them have
concentrated their efforts on starbursting late-type dwarfs. In Fig.8, some examples of
the SFH of external late-type dwarfs are shown. All these SFHs have been derived with
the synthetic CMD method applied to HST/WFPC2 or NICMOS photometry. The look-
back time reached by the photometry is indicated by the thin vertical line in each panel,
and in all cases stars of that age were detected. For those galaxies that have subsequently
been observed with the HST/ACS, the look-back time is significantly longer, and the fur-
ther back we look we always find indisputable evidence of star formation activity at that
increasingly old epoch. This means that there is no evidence that any of these systems is
younger than the look-back time. The sample of galaxies shown in Fig.8 is not homoge-
neous: UGC 5889 is a low surface brightness galaxy (LSB), whilst NGC 1705, I Zw 18,
I Zw 36 and Mrk 178 are BCDs, and NGC 1569 is classified as dI. Nonetheless, all these
dwarfs show qualitatively similar behaviour, with a strong current burst superimposed
on a moderate and rather continuous underlying star formation activity. Quantitatively,
the actual SFRs differ between galaxies by orders of magnitude. Notice that the least
active system is one of the BCDs (Mrk 178) and the most active is the dI (NGC 1569).
This is not what one would have expected on the basis of their morphological classifi-
cation. This highlights the difficulties in making accurate classification of the structural
properties of these active, compact systems. If NGC 1569 were at a distance of 20 Mpc
it would most likely have been classified as a BCD. The SFR in NGC 1569 is actually
about a factor two higher than shown in Fig. 8, as more recent HST/ACS imaging has
detected the RGB, and made a significant revision of the distance to NGC 1569, to make
it almost a magnitude farther away than previously thought (Grocholski et al., 2008).
An interesting result of the SFH studies both in the Local Group and beyond is that
the vast majority of dwarfs have, and have always had, fairly moderate star formation
activity. From an extensive Hα study of 94 late-type galaxies Hunter & Elmegreen (2004)
found that the typical SFR of irregular galaxies is 10−3M⊙yr
−1kpc−2 and that of BCDs
is generally higher but not by much. They also found that NGC 1569 and NGC 1705
are among the few systems with unusually high SFRs (see Fig.8). Hunter & Elmegreen
conclude that the star formation regions are not intrinsically different in the various
galaxy types, but they crowd more closely together in the centers of BCDs.
3 Stellar Kinematics and Metallicities
Stellar abundances and kinematics have been shown to be excellent tools for disentangling
the properties of complex stellar systems like our own Galaxy (e.g., Eggen, Lynden-Bell
& Sandage, 1962). This approach is the only means we have to separate the diverse
stellar populations in the solar neighbourhood. These stars can be split up into disk and
halo components on the basis of their 3D velocities, and these subsets can then be studied
independently. This concept has subsequently been expanded and renamed “Chemical
Tagging” (Freeman & Bland-Hawthorn, 2002). As large samples of stellar velocities and
metallicities have become available for other galaxies this approach remains the only way
to obtain a detailed understanding of a multi-component stellar system.
The kinematics and metallicities of early (dSph/dE) and late (dI) type dwarf galaxies
in the Local Group have almost always been measured using different tracers. This is
due to the different distances and stellar densities which are typical for the two types of
systems. It is also because dIs contain an easily observable ISM in the form of HI gas and
dSphs do not. Because early-type galaxies usually do not contain any (observable) gas nor
any young star forming regions, most of what we know of their internal properties comes
from studies of their evolved stellar populations (e.g., RGB stars). Late-type galaxies are
typically further away (the SMC being a clear exception), which can make the accurate
study of individual RGB stars more challenging, and they contain HI gas and several HII
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regions. Thus, most of what we know about the kinematics and metallicity of dIs comes
from gas and massive (young) star abundances. RGB stars have the advantage that
they are all old (> 1 Gyr) and their properties are most likely to trace the gravitational
potential and chemical evolution throughout the entire galaxy up to the epoch when
they formed, and not the most recent star formation processes and the final metallicity.
It is only with detailed studies of the same tracers that kinematics and metallicities in
these different dwarf galaxies types can be accurately compared to make confident global
statements about the differences and similarities between early and late-type galaxies.
3.1 Early-Type Dwarfs
Dwarf Spheroidal galaxies are the closest early-type galaxies that contain sufficient num-
bers of well distributed RGB stars to provide useful kinematic and metallicity probes.
Moreover, dSphs are considered to be interesting places to search for dark matter, since
there is so little luminous matter to contribute to the gravitational potential. The ve-
locity dispersion of individual stars can be used to determine the mass of the galaxy. It
is also possible to determine metallicities for the same stars. This allows a more care-
ful distinction of the global properties based on structural, kinematic and metallicity
information (e.g., Battaglia, 2007).
3.1.1 Galactic dSphs: It was originally thought that the luminosity profiles
of Galactic dSphs resembled globular clusters and showed systems truncated by the
gravitational field of the MW (e.g., Hodge, 1971). As measurements improved and the
discussion focused on the possible presence of dark matter, Faber & Lin (1983) showed
that the profiles are exponential more like those of galaxy disks and thus predicted that
Galactic dSphs had a much higher mass-to-light ratio (M/L), ≥30, than had previously
been thought. In parallel Aaronson (1983) found observational evidence for this in radial
velocity studies of individual stars in the Draco dSph. Thus it became clear that dSph are
small galaxies, related to late-type disk and irregular systems, and not globular clusters.
For a given M/L the central velocity dispersion of a self-gravitating spheroidal system
in equilibrium may scale with the characteristic radial scale length and the central surface
brightness (Richstone & Tremaine, 1986). Given that globular clusters typically have a
central velocity dispersion ∼ 2 − 8 kms−1 it was expected that dwarf galaxies, which
have scale lengths at least 10 times bigger and surface brightnesses about 1000 times
smaller (see Fig. 1), should have central velocity dispersions < 2kms−1. This has been
consistently shown not to be the case; all galaxies have stellar velocity dispersions which
are typically larger than those of globular clusters (∼ 8−15kms−1). This was first shown
by Aaronson (1983) for a sample of 3 stars in the Draco dSph. This early tentative (and
brave!) conclusion has been verified and strengthened significantly over the past decades,
with modern samples containing measurements for many hundreds of individual stars in
Draco (e.g., Mun˜oz et al., 2005; Wilkinson et al., 2004) and in all other Galactic dSphs.
If it can be assumed that this velocity dispersion is not caused by tidal processes, then
this is evidence that dSph galaxies contain a significant amount of unseen (dark) matter
(e.g., Mateo, 1994; Olszewski, 1998; Gilmore et al., 2007), or that we do not understand
gravity in these regimes (e.g., MOND applies). There has been some uncertainty coming
from the possible presence of binary stars but a number of studies have carried out
observations over multiple epochs and this effect has been found to be minimal (e.g.,
Battaglia et al., 2008b, and references therein).
As instrumentation and telescopes improved, a significant amount of work on the
kinematic properties of dSphs has become possible. This field has benefited particularly
from wide-field multi-fibre spectrographs on 6–8m-class telescopes (e.g., VLT/FLAMES
and Magellan/MIKE), but also WYFOS on the WHT and AAOmega on the AAT. These
facilities have allowed samples of hundreds of stars out to the tidal radii (e.g., Wilkinson
et al., 2004; Tolstoy et al., 2004; Mun˜oz et al., 2005; Kleyna et al., 2005; Walker et al.,
2006b,a; Battaglia et al., 2006; Battaglia, 2007; Battaglia et al., 2008a). These velocity
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measurements often have sufficient signal-to-noise to also obtain metallicities from the
Ca II triplet, the Mg B index or a combination of weak lines (e.g., Suntzeff et al.,
1993; Tolstoy et al., 2004; Battaglia et al., 2006; Mun˜oz et al., 2006b; Koch et al., 2006;
Kirby, Guhathakurta & Sneden, 2008; Battaglia et al., 2008b; Shetrone et al., 2009).
This approach resulted in the discovery of surprising complexity in the “simple” stellar
populations in dSphs. It was found that RGB stars of different metallicity range (and
hence presumably age range) in dSphs can have noticeably different kinematic properties
(e.g. Tolstoy et al., 2004; Battaglia et al., 2006). This has implications for understanding
the formation and evolution of the different components in these small galaxies. It is also
important for correctly determining the overall potential of the system. The presence
of multiple components allows more accurate modelling of the overall potential of the
system and so better constraints on the the underlying dark matter profile and the mass
content (Battaglia, 2007; Battaglia et al., 2008a), see Fig. 9.
The VLT/FLAMES DART survey (Tolstoy et al., 2006) determined kinematics and
metallicities for large samples of individual stars in nearby dSphs. There have also been
similar surveys by other teams on VLT and Magellan telescopes (e.g., Gilmore et al., 2007;
Walker, Mateo & Olszewski, 2009). Traditionally the mass distribution of stellar systems
has been obtained from a Jeans analysis of the line-of-sight velocity dispersion (e.g.,
Mateo, 1994), assuming a single stellar component embedded in a dark matter halo. This
analysis suffers from a degeneracy between the mass distribution and the orbital motions
presumed for the individual stars, the mass-anisotropy degeneracy. From DART the mass
of the Scl dSph was determined taking advantage of the presence of the two separate
components distinguished by metallicity, spatial extent and kinematics (Battaglia, 2007;
Battaglia et al., 2008a), see Fig. 9. Here it was shown that it is possible to partially break
the mass-anisotropy degeneracy when there are two components embedded in the same
dark matter halo. The new dynamical mass of the Scl dSph isMdyn = 3×10
8M⊙, within
1.8 kpc, which results in an M/L∼160. This is a factor ∼10 higher than the previous
value obtained from a much smaller and more centrally concentrated sample of stars
(Queloz, Dubath & Pasquini, 1995). This corresponds to a dark matter density within
600 pc, for the best fitting model of 0.22M⊙pc
−3. This result is largely independent of
the exact distribution of dark matter in the central region of the Scl dSph, see Fig. 9.
This same study also found evidence for a velocity gradient, of 7.6+3.0
−2.2 km s
−1 deg−1, in
Scl, which has been interpreted as a signature of intrinsic rotation. This is the first time
that rotation has been detected in a nearby dSph, and it was a faint signal that required
a large data set going out to the tidal radius.
Another aspect of these surveys has been the determination of metallicity distribution
functions (MDFs), typically using the Ca II triplet metallicity indicator (Battaglia et al.,
2006; Helmi et al., 2006). This uses the empirical relation between the equivalent width
of the Ca II triplet lines and [Fe/H], and its accuracy was also tested (Battaglia et al.,
2008b). The Ca II triplet method will start to fail at low metallicities, [Fe/H]< −2.5,
but this is starting to be better understood on physical (e.g., Starkenburg et al., 2008)
as well as empirical grounds from following up stars with Ca II triplet metallicities,
[Fe/H]< −2.5. This means that the effect can be corrected for, and so far there is no
significant change to the MDFs in Helmi et al. (2006). This is because the fraction of the
stellar samples that may be affected by this uncertainty is very small (∼ 1 − 2%), and
then only a fraction of these actually need to be corrected. Thus it seems likely that there
are very few, if any, extremely metal poor stars ([Fe/H]< −4) in most classical dSph.
But this result has to be verified by careful follow up of Ca II triplet measurements with
[Fe/H]< −2.5.
These dSph MDFs were compared to the Galactic halo MDF from the Hamburg-ESO
survey (HES, Beers & Christlieb, 2005), and found to be significantly different (Helmi
et al., 2006), see Fig. 10 for an update. The Galactic halo MDF has recently been
revised (Schoerck et al., 2008, submitted), and this revision is also shown in Fig. 10. It
can be seen that the difference between the dSphs and the Galactic halo MDFs remains.
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Figure 9: From the DART survey, these are VLT/FLAMES line-of-sight ve-
locity measurements for individual RGB stars in the Scl dSph (Battaglia, 2007;
Battaglia et al., 2008a). In the top panel elliptical radii are plotted against ve-
locity for each star. The limits for membership are given by dotted lines about
vhel = +110.6 kms
−1, the heliocentric velocity, which is shown as a dashed line.
It is apparent that the velocity dispersion and central concentration of the metal-
rich (MR) stars, in red, can clearly distinguish them from the metal-poor (MP)
stars, in blue, which have a larger velocity dispersion and are more uniformly
distributed over the galaxy. In the bottom 2 panels the line of sight velocity
dispersion profiles, with rotation removed, for the MR (red) and MP (blue) stars
are shown along with the best fitting pseudo-isothermal sphere (solid line) and
NFW model (dashed line), see Battaglia et al. (2008a) for details.
However, it is obviously of critical importance that the different degrees of incompleteness
are well understood, and this is particularly complicated in the halo. What is shown as
the Galactic halo MDF in Fig. 10 may still change, but it is most likely that the two
halo MDFs shown represent a reasonable range of possibilities. This difference provides
a challenge to models where all of the Galactic halo builds up from the early merging of
dwarf galaxies, because it begs the question: where have all the most metal-poor stars in
the Galactic halo come from? Was there a pre-enrichment of dwarf galaxies, perhaps by
the most metal-poor stars which we appear to find only in the halo (Salvadori, Ferrara &
Schneider, 2008)? This mismatch applies equally to any merging scenario that extends
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over a significant fraction of a Hubble time, as it means that dSph and dI galaxies
could not have merged to form the halo except at very select moments in the past (see
Section 4). Fig. 10 does not include uFds, and there is evidence that they may include
more metal poor stars than are to be found in dSph (e.g., Kirby et al., 2008; Frebel et al.,
2009).
Figure 10: Comparison of the cumulative metallicity distribution functions
(MDFs) of the stars in the mean bootstrapped Hamburg-ESO survey sample
as a solid black line, and the new bias corrected Galactic halo MDF from Scho-
erck et al. (2008) as a solid blue line. These are compared to the MDFs for 4
dSphs from the DART survey (Helmi et al., 2006). The halo and the dSph MDFs
have been normalised at [Fe/H]=-2.5, which assumes that the completeness of
the halo MDF is well understood at this metallicity and below. Note that at
present the Fornax dSph lacks sufficient stars at [Fe/H] < −2.5 to be properly
present on this plot.
3.1.2 More Distant dSphs: There are also more isolated dSphs, within the
Local Group but not obviously associated to the MW or M 31, for example Antlia,
Phoenix, Cetus and Tucana. They have also benefited from spectroscopic studies (e.g.,
Tolstoy & Irwin, 2000; Gallart et al., 2001; Irwin & Tolstoy, 2002; Lewis et al., 2007;
Fraternali et al., 2009). Antlia, Tucana and Phoenix have HI gas in their vicinity, but
after careful study, only for Phoenix and Antlia has the association been confirmed.
These spectroscopic studies have shown evidence for rotation in Cetus and Tucana at
a similar magnitude to Scl (Lewis et al., 2007; Fraternali et al., 2009). This rotation is
consistent with the flattening of the galaxy. In Phoenix the kinematics and morphology
of HI gas compared to the stellar component suggests that the HI is being blown out by
a recent star formation episode (e.g., Young et al., 2007). This supports the theoretical
predictions of this effect (e.g., Larson, 1974; Mac Low & Ferrara, 1999). All these more
distant dSphs are far enough away from the MW that any strong tidal influence is likely
to have been several Gyr in the past.
3.1.3 Dwarf galaxies around M 31 There are also diffuse dEs and dSphs
around M 31 where spectra have been taken of RGB stars. From a sample of 725 radial
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velocity measurements in NGC 205, it was found to be rotating at 11 ±5 kms−1 (Geha
et al., 2006). A careful study of the structural properties of the dSphs around M 31 shows
that on average the scale radii of the dSphs around M31 are about a factor 2 larger than
those of dSphs around the MW at all luminosities (McConnachie & Irwin, 2006). This
could either be due to small number statistics or it might suggest that the tidal field of
M31 is weaker than that of the MW or the environment in the halo of M31 is different
from that of the MW halo.
3.2 Late-Type Dwarfs
Most of what we know about the kinematics of dI galaxies comes from observations
of their HI gas (e.g., Lo, Sargent & Young, 1993; Young et al., 2003), which is strongly
influenced by recent events in the systems. For example, the velocity dispersion measured
in the HI gas is predominantly influenced by on-going star formation processes. Thus
the HI velocity dispersion is almost always ∼ 10kms−1 in any system, from the smallest
dIs to the largest spiral galaxies, regardless of the mass or rotation velocity of the HI.
This makes it difficult to compare the kinematic properties of dI and dSph galaxies.
Likewise, most of the metallicity information comes from HII region spectroscopy (e.g.,
Pagel & Edmunds, 1981; Hunter & Gallagher, 1986; Skillman, Kennicutt & Hodge, 1989;
Izotov & Thuan, 1999; Kunth & O¨stlin, 2000; Hunter & Elmegreen, 2004) or spectroscopy
of (young) massive stars (e.g., Venn et al., 2001, 2004b). For a few BCDs the FUSE
satellite has also provided abundances for the neutral gas (e.g., Thuan, Lecavelier des
Etangs & Izotov, 2002; Aloisi et al., 2003; Lebouteiller et al., 2004). Thus the metallicity
measures come from sources which are only a few million years old and the product of
the entire history of star formation in a galaxy. By contrast, in dSphs the abundances
are typically measured for stars older than ∼ 1 Gyr, and the value quoted is some form of
a mean of the values measured over the entire SFH. This makes it difficult to accurately
compare the properties of early and late-type dwarf galaxies, as there are few common
measurements that can be directly compared. Such comparisons have been attempted
by Skillman, Kennicutt & Hodge (e.g., 1989); Grebel, Gallagher & Harbeck (e.g., 2003).
From studies of the HI gas in these systems it has been found that for the smallest and
faintest dIs if rotation is detected at all, it is at or below the velocity dispersion (e.g., Lo,
Sargent & Young, 1993; Young et al., 2003). Despite this, in all dIs the HII regions in a
single galaxy, even those widely spaced, appear to have, within the margins of error of
the observations, identical [O/H] abundances. So it appears that either the enrichment
process progresses uniformly galaxy wide, or the oxygen abundance within an HII region
is affected by some internal, self-pollution process which results in uniform [O/H] values
(e.g., Olive et al., 1995). However, the clear gradients in HII region abundances seen in
spiral galaxies argue against this explanation.
One dwarf galaxy which has both HI and stellar kinematic information is the faint
transition type dwarf LGS 3 (MV = −9.9). The stellar component looks like a dSph,
dominated by (old) RGB stars (see Fig. 5). There are no HII regions (Hodge & Miller,
1995), and the youngest stars are around 100 Myr old (Miller et al., 2001). However,
the galaxy also contains 2×105 M⊙ of HI (Lo, Sargent & Young, 1993; Young & Lo,
1997), which is more extended than the optical galaxy, and with no convincing evidence
of rotation. Cook et al. (1999) measured the radial velocities of 4 RGB stars in LGS 3
at the same systemic velocity as for the HI, confirming the association. They found the
stellar velocity dispersion of these 4 stars to be 7.9+5.3
−2.9 kms
−1. This leads to a high M/L
(> 11, perhaps as high as 95), similar to other dSphs. However this sample of radial
velocities is hardly sufficient.
LGS 3 used to be the lowest luminosity galaxy with HI, but that was before the
recent discovery of Leo T (Irwin et al., 2007). Leo T contains 2.8 × 105M⊙ of HI gas
(Ryan-Weber et al., 2008), and it does not contain HII regions or young stars. The total
dynamical mass was determined to be 8.2± 3.6× 106M⊙, with M/L∼ 140. Leo T seems
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to be a particularly faint dwarf (MV = −8), at a distance of ∼420 kpc (see Table 1).
It is about 2 magnitudes fainter than the other transition type systems like LGS 3 and
Phoenix, and 0.6 magnitudes fainter than the faintest dwarf spheroidal system, Draco.
Leo T is another of the very few systems for which kinematics have been derived from
HI and velocities of individual stars. Simon & Geha (2007) measured the radial velocities
and metallicities of 19 RGB stars, and found the average metallicity to be [Fe/H]∼ −2.3
with a range of ±0.35. They found a central optical velocity of∼ +38±2kms−1, a velocity
dispersion σ = 7.5 ± 1.6 kms−1 and no obvious sign of rotation. This is comparable to
the HI value, σHI = 6.9kms
−1, also with no sign of rotation (Ryan-Weber et al., 2008).
This is the smallest and lowest luminosity galaxy with fairly recent star formation known.
The inferred past SFR of 1.5 − 2 × 10−5M⊙/year might be sufficiently low that gas is
neither heated nor blown out in this system, thus allowing it to survive (de Jong et al.,
2008a).
3.3 Ultra-Faint Dwarfs
The stellar kinematics and metallicities of individual stars play an important role in
determining what kind of systems uFds are. These measurements can attempt to quantify
the degree of disruption uFds may have undergone and if they should be considered faint
galaxies or some kind of diffuse globular clusters, such as are seen around M 31 (e.g.,
Mackey et al., 2006). These systems are so embedded in the foreground of our Galaxy,
both in position and in velocity, and the total number of their stars is so often so small
(many have MV ∼
> − 4) that studies can easily get different results for even the most
fundamental properties, like their size and their dark matter content depending upon
membership selection (e.g., Ibata et al., 2006; Simon & Geha, 2007; Siegel, Shetrone &
Irwin, 2008; Geha et al., 2009).
The basic kinematic properties of these systems (e.g., Simon & Geha, 2007) show evi-
dence that they are much more dark matter dominated than previously known systems,
with M/L∼ 140− 1700, although this study did not try to correct for tidal effects which
are almost certainly present. Many of these galaxies also have very small numbers of
stars, and thus test particles, and so the properties of the dark matter content are often
extrapolated from a small central region.
Simon & Geha (2007) also determined the average stellar metallicities ([Fe/H] ≤ −2)
of uFds and found them to be lower than in most globular clusters, and with a scatter
that is not expected in globular clusters. The average metallicities are also lower than
in other more luminous dwarf galaxies (see also, Kirby et al., 2008), and the lowest
metallicity stars appear to be more metal-poor than the most metal poor stars found
in the brighter “classical” dSphs (Norris et al., 2008; Frebel et al., 2009). Norris et al.
(2008) also found evidence for carbon-rich metal-poor stars in Boo I, which suggests that
the metal-poor stars in uFds maybe more similar to those found in the MW halo, where
a large fraction of stars more metal poor than [Fe/H] < −4 are carbon rich.
CVn I, at a distance of 220 kpc, at MV ∼ −7.9 (Zucker et al., 2006b), is one of
the brighter examples of uFds, and bears much similarity to classical dSphs, both in
structural properties, kinematics and SFH. From a CMD analysis Martin et al. (2008a)
found that the galaxy is dominated by an ancient population (> 10 Gyr old), with about
5% of its stars in a young blue plume ∼ 1.4 − 2 Gyr old. It has well populated, broad,
RGB and HB which have been studied spectroscopically (Ibata et al., 2006; Simon &
Geha, 2007). With a sample of 44 stars Ibata et al. (2006) detected the presence of two
components with different metallicities and velocities. However Simon & Geha (2007)
with a much larger sample of 212 stars were not able to reproduce this result.
A recently discovered uFd is Leo V (Belokurov et al., 2008), at a distance of 180 kpc
with MV = −4.3. Fig. 6 illustrates how hard it can be to quantify the structural prop-
erties and distinctness of these small diffuse systems several of which may be embedded
in Galactic scale streams. Leo V may be related to Leo IV, to which it is very close
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to both spatially and in velocity. They may both be the remnants of the same tidal
interaction, but given how metal poor their stars appear to be they would have to be the
outer envelopes of dwarf galaxies (which are known to have metallicity gradients), like
Sgr, and not disrupted globular clusters.
Thus the nature of some of the uFds still remains a mystery, and there is likely to be
a range of origins for these systems. The brighter uFds (MV < −5) are relatively easy
to study and do appear to be a low mass tail to dSphs (e.g., CVn I) and dI/transition
systems (e.g., Leo T). This reduces the sizes of objects in which stars can form in the
early universe (e.g., Bovill & Ricotti, 2009; Salvadori & Ferrara, 2009), and it follows the
trend that these smaller systems could barely enriched themselves. This could be either
due to efficient winds, or inefficient star formation, both of which could be the result of
a low galactic mass.
It remains a matter of conjecture what are the fainter systems such as Coma and
UMa II (MV ∼ −4). From its highly irregular stellar distribution UMa II is clearly a
disrupted system that sits behind high velocity cloud complex A (Zucker et al., 2006a;
Belokurov et al., 2007a). Coma has very similar properties to UMa II, and it also has
an irregular extended shape (Belokurov et al., 2007b). UMa II is one of the few objects
which lie in the gap between globular clusters and dwarf galaxies in the left hand plot of
Fig. 1. This is a region which has so far not been populated by either galaxies or globular
clusters but if the large dark matter masses of the uFds are correct then they are more
likely to be an extension of the galaxy class than of the globular cluster class.
4 Detailed Abundances of Resolved Stars
The detailed chemical abundance patterns in individual stars of a stellar population
provide a fossil record of chemical enrichment over different timescales. As generations
of stars form and evolve, stars of various masses contribute different elements to the
system, on timescales directly linked to their mass. Of course, the information encoded
in these abundance patterns is always integrated over the lifetime of the system at the
time the stars studied were born. Using a range of stars as tracers provides snapshots
of the chemical enrichment stage of the gas in the system throughout the SFH of the
galaxy. This approach also assumes that the chemical composition at the stellar surface
is unaffected by any connection between interior layers of the star, where material is
freshly synthesised, and the photosphere. This assumption is generally true for main-
sequence stars, but evolved stars (giants or super-giants) will have experienced mixing
episodes that modified the surface composition of the elements involved in hydrogen
burning through the CNO cycle, i.e. carbon, nitrogen and possibly also oxygen.
These studies require precise measurements of elemental abundances in individual
stars and this can only be done with high-resolution and reasonably high signal-to-noise
spectra. It is only very recently that this has become possible beyond our Galaxy. It is
efficient high-resolution spectrographs on 8−10m telescopes that have made it possible
to obtain high resolution (R>40000) spectra of RGB stars in nearby dSphs and O, B
and A super-giants in more distant dIs. These stars typically have magnitudes in the
range V=17− 19. Before the VLT and Keck, the chemical composition of extra-galactic
stars could only be measured in super-giants in the nearby Magellanic Clouds (e.g., Wolf,
1973; Hill, Andrievsky & Spite, 1995; Hill, Barbuy & Spite, 1997; Venn, 1999), yielding
present day (at most a few 107yr ago) measurements of chemical composition. Looking
exclusively at young objects however makes it virtually impossible to uniquely disentangle
how this enrichment built up over time.
4.1 Dwarf Spheroidal Galaxies
The first studies of detailed chemical abundances in dSph galaxies are those of Shetrone,
Bolte & Stetson (1998); Shetrone, Coˆte´ & Sargent (2001, 17 stars in Draco, Ursa Min
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Figure 11: Alpha-elements (Mg and Ca) in four nearby dwarf spheroidal galaxies:
Sgr (red: Sbordone et al., 2007; Monaco et al., 2005; McWilliam & Smecker-Hane,
2005), Fnx (blue: Letarte, 2007; Shetrone et al., 2003), Scl (green: Hill et al.
in prep; Shetrone et al., 2003; Geisler et al., 2005) and Carina (magenta: Koch
et al., 2008a; Shetrone et al., 2003). Open symbols refer to single-slit spectroscopy
measurements, while filled circles refer to multi-object spectroscopy. The small
black symbols are a compilation of the MW disk and halo star abundances, from
Venn et al. (2004a).
& Sextans) using Keck-HIRES and Bonifacio et al. (2000, 2 stars in Sgr) using VLT-
UVES. These early works were shortly followed by similar studies slowly increasing in
size (Shetrone et al., 2003; Bonifacio et al., 2004; Sadakane et al., 2004; Geisler et al.,
2005; McWilliam & Smecker-Hane, 2005). The total number of stars probed in individual
studies remained very low (typically only 3 to 6 in any one galaxy except for Sgr). This
was because the stars had to be observed one at a time, and for the most distant dSphs
this required exposure times of up to 5 hours per star. Nevertheless from these small
samples it was already clear that dSph galaxies follow unique chemical evolution paths,
which are distinct from that of any of the MW components (e.g., Shetrone, Coˆte´ &
Sargent, 2001; Shetrone et al., 2003; Tolstoy et al., 2003; Venn et al., 2004a).
Most recently, high-resolution spectrographs with high multiplex capabilities have re-
sulted in large samples (> 80 stars) of high resolution spectra of individual stars to
determine abundances in a relatively short time. The FLAMES multi-fiber facility on
VLT (Pasquini et al., 2002) has so far been the most productive in this domain. There
are a number of FLAMES high resolution spectroscopy studies in preparation, but some
results are already published for Sgr and its stream (Monaco et al., 2005; Sbordone et al.,
2007; Monaco et al., 2007, 39 stars), Fnx (Letarte, 2007, 81 stars), Carina (Koch et al.,
2008a, 18 stars) and Scl (Hill et al. in preparation, 89 stars).
These new extensive studies not only provide abundances with better statistics, but
they also allow statistical studies over the total metallicity range in each galaxy. This
allows for an almost complete picture of their chemical evolution over time, with abun-
dance trends as a function of metallicity for each system. Only the most metal-poor
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regime in these systems is perhaps still somewhat under-represented in these samples,
although this is in part because they are rare (Helmi et al., 2006), and in part because
these large samples of abundances have been chosen in the inner parts of the galaxies,
where younger and/or more metal-rich populations tend to dominate (Tolstoy et al.,
2004; Battaglia et al., 2006). New studies to fill in this lack of measured abundances in
low metallicity stars are in preparation (e.g., Aoki et al., 2009). In the following, we will
consider groups of elements that give particular insights into dwarf galaxy evolution.
4.1.1 alpha elements The α-elements abundances that can easily be measured
in RGB spectra includes O, Mg, Si, Ca and Ti. Although the α-elements have often been
considered as an homogeneous group, and their abundances are sometimes averaged
to produce a single [α/Fe] ratio, their individual nucleosynthetic origin is not always
exactly the same. For example, O and Mg are produced during the hydrostatic He
burning in massive stars, and their yields are not expected to be affected by the SNII
explosion conditions. On the other hand Si, Ca and Ti are mostly produced during
the SNII explosion. This distinction is also seen in the observations (e.g., Fulbright,
McWilliam & Rich, 2007), where Si, Ca and Ti usually track one another, but O and
Mg often show different trends with [Fe/H]. It is therefore generally advisable to treat
the three α-elements which are well probed in dwarf galaxies separately. Fig. 11 shows a
compilation of Mg and Ca abundances of individual stars in those dSphs with more than
15 measurements.
The apparent paucity of α-elements (relative to iron) in dSph galaxies compared to
the MW disk or halo was first noted by Shetrone, Bolte & Stetson (1998); Shetrone, Coˆte´
& Sargent (2001); Shetrone et al. (2003); Tolstoy et al. (2003); Venn et al. (2004a) from
small samples. Fig. 11 shows this convincingly over most of the metallicity range in each
system. However, it also appears that each of these dSphs starts, at low [Fe/H], with
[α/Fe] ratios similar to those in the MW halo at low metallicities. These ratios in the
dSphs then evolve down to lower values than is seen in the MW at the same metallicities.
The ratio of α-elements to iron, [α/Fe], is commonly used to trace the star-formation
timescale in a system, because it is sensitive to the ratio of SNII (massive stars) to SNIa
(intermediate mass binary systems with mass transfer) that have occurred in the past.
SNIa have a longer time scale than SNII and as soon as they start to contribute they
dominate the iron enrichment and [α/Fe] inevitably decreases. After that, no SFH can
ever again result in enhanced [α/Fe], unless coupled with galactic winds removing only
the SNIa ejecta and not that of SNII. This is seen as a “knee” in a plot of [Fe/H] vs.
[α/Fe], see Fig. 11. The knee position indicates the metal-enrichment achieved by a
system at the time SNIa start to contribute to the chemical evolution (e.g., Matteucci
& Brocato, 1990; Matteucci, 2003). This is between 108 and 109yrs after the first star
formation episode. A galaxy that efficiently produces and retains metals over this time
frame will reach a higher metallicity by the time SNIa start to contribute than a galaxy
which either loses significant metals in a galactic wind, or simply does not have a very
high SFR. The position of this knee is expected to be different for different dSphs because
of the wide variety of SFHs. In the data there are already strong hints that not all dSphs
have a knee at the same position.
At present the available data only cover the knee with sufficient statistics to quantify
the position in the Scl dSph, a system which stopped forming stars 10 Gyr ago, and
the knee occurs at [Fe/H]≈ −1.8. This is the same break-point as the two kinematically
distinct populations in this galaxy (Tolstoy et al., 2004; Battaglia, 2007), see Fig. 9.
This means that the metal-poor population has formed before any SNIa enrichment took
place, which means on a timescale shorter than 1 Gyr.
In other dSphs the knee is not well defined due to a lack of data, but limits can be
established. The Sgr dSph has enhanced [α/Fe] up to [Fe/H] ≈ −1.0, which is signifi-
cantly more metal-rich than the position of the knee in the Scl dSph. This is consistent
with what we know of the SFH of Sgr, which has steadily formed stars over a period of
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8−10 Gyrs, and only stopped forming stars about 2−3 Gyr ago (e.g., Dolphin, 2002).
The Carina dSph has had an unusually complex SFH, with at least three separate bursts
of star formation (Hurley-Keller, Mateo & Nemec, 1998), see Fig. 4. The abundance
measurements in Carina are presently too scarce to have any hope to confidently detect
these episodes in the chemical enrichment pattern (e.g., Tolstoy et al., 2003). It appears
to possesses [α/Fe] poor stars between [Fe/H] = −1.7 and −2.0, which suggests that the
knee occurs at lower [Fe/H] than in Scl. It seems that Carina has had the least amount
of chemical evolution before the onset of SNIa of all galaxies in Fig. 11. In the Fnx dSph,
another galaxy with a complex SFH, the sample does not include a sufficient number
of metal-poor stars to determine even an approximate position of the knee. There are
abundances for only five stars below [Fe/H] = −1.2, and only one below [Fe/H = −1.5.
The knee is constrained to be below [Fe/H] < −1.5. From this (small) sample of dSph
galaxies, it appears that the position of the knee correlates with the total luminosity of
the galaxy, and the mean metallicity of the galaxy. Which suggests that the presently
most luminous galaxies are those that must have formed more stars at the earliest times
and/or retained metals more efficiently than the less luminous systems.
The abundance ratios observed in all dSphs for stars on the metal-poor side of the
knee, tend to be indistinguishable from those in the MW halo. From this small sample it
seems that the first billion years of chemical enrichment gave rise to similar enrichment
patterns in small dwarf galaxies and in the MW halo. Because the [α/Fe] at early times
is sensitive to the IMF of the massive stars, if [α/Fe] in metal-poor stars in dSphs and
in the MW halo (or even the bulge) are similar, then there is no need to resort to IMF
variations between these systems. Poor IMF sampling has been invoked as a possible
cause of lowering [α/Fe] in dwarfs (Tolstoy et al., 2003; Carigi & Hernandez, 2008), but
these new large samples suggest that this explanation may no longer be necessary, at
least in systems as luminous as Sculptor, Fornax or Sagittarius. On the other hand,
there is now a hint that the slightly less luminous Sextans (MV = −9.5) could display a
scatter in the α/Fe ratios at the lowest metallicities, including [α/Fe] close to solar (Aoki
et al., 2009). Such a scatter is so far observed only in this purely old system, and suggests
a very inhomogeneous metal-enrichment in this system that presumably never retained
much of the metal it produced. The true extent of this scatter in Sextans remains to be
investigated, and extension to other similar systems is needed before general conclusions
can be reached on the mechanisms leading to the chemical homogeneity -or not- of dwarf
galaxies.
At later times, in those stars which formed ∼1 Gyr after the first stars, on the metal-
rich side of the knee, the decrease of [α/Fe] with increasing metallicity is very well marked.
In fact, the end points of the evolution in each of the dSphs investigated has a surprisingly
low [α/Fe], see Fig. 11. A natural explanation of these low ratios could involve a sudden
decrease of star formation, that would make enrichment by massive stars inefficient and
leave SNIa to drive the chemical evolution. This sudden drop in star formation could be
the natural result of galactic winds which can have a scientific impact on dwarf galaxies
with relatively shallow potential wells (see Section 5) or perhaps tidal stripping. In this
case, one would expect the metal-rich and low [α/Fe] populations to be predominantly
young, corresponding to the residual star formation after the sudden decrease. However,
the current age-determinations for individual giants in these systems are not accurate
enough to probe this hypothesis (e.g., Battaglia et al., 2006).
4.1.2 Sodium and Nickel Another example of the low impact of massive-stars
on the chemical enrichment of dSphs is given by sodium. Fig. 12 shows the compilation
of dSphs stars compared to the evolution of Na in the MW. According to stellar current
models, Na is mostly produced in massive stars (during hydrostatic burning) with a
metallicity-dependent yield. The abundance of Na in metal-poor dSph stars is apparently
not different to the MW halo stars at the same [Fe/H], but its abundance at later stages
in the evolution is distinct from the MW, dSph producing (or keeping) too little Na to
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Figure 12: Sodium (above) and nickel (below) in the same four dSphs as in
Fig. 11, compared to the MW. Sgr (red: Sbordone et al., 2007; Monaco et al.,
2005; McWilliam & Smecker-Hane, 2005), Fnx (blue: Letarte, 2007; Shetrone
et al., 2003), Scl (green: Hill et al. in prep; Shetrone et al., 2003; Geisler et al.,
2005) and Carina (magenta: Koch et al., 2008a; Shetrone et al., 2003). Open
symbols refer to single-slit spectroscopy measurements, while filled circles refer
to multi-object spectroscopy. The small black symbols are a compilation of the
MW disk and halo star abundances, from Venn et al. (2004a).
keep on the MW trend above [Fe/H] > −1.
Sodium and nickel under-abundances have also been remarked upon by Nissen &
Schuster (1997, 2009) in a fraction of halo stars which also display low α abundances,
thereby producing a [Na/Fe]−[Ni/Fe] correlation. This correlation is tentatively ex-
plained as the common sensitivity of both elements to neutron-excesses in supernovae.
Fnx is the most striking example that seems to follow the same slope as the Na-Ni rela-
tionship in the MW, but extending the trend to much lower [Na/Fe] and [Ni/Fe] values
(Letarte, 2007), see Fig. 12. Nickel, unlike sodium, is also largely produced in SNIa
(Tsujimoto et al., 1995), so the Ni-Na relation can in theory be modified by SNIa nucle-
osynthesis, especially in the metal-rich populations of dwarfs where the low [α/Fe] ratios
point towards a strong SNIa contribution.
4.1.3 neutron-capture elements Despite their complicated nucleosynthetic
origin, heavy neutron capture elements can provide useful insight into the chemical evo-
lution of galaxies. Nuclei heavier than Z∼30 are produced by adding neutrons to iron
(and other iron-peak) nuclei. Depending on the rate (relative to β decay) at which these
captures occur, and therefore on the neutron densities in the medium, the processes are
called either slow or rapid (s- or r-) process. The s-process is well constrained to occur in
low to intermediate-mass (1− 4M⊙) thermally pulsating AGB stars (see Travaglio et al.,
2004, and references therein), and therefore provide a contribution to chemical enrich-
ment that is delayed by ∼ 100− 300 Myrs from the time that the stars were born. Thus
s-process elements can in principle be used to probe star formation on similar timescales
to [α/Fe]. The r-process production site is clearly associated with massive star nucle-
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Figure 13: Neutron-capture elements Y, Ba & Eu in the same four dSphs as in
Fig. 11, compared to the MW. Sgr (red: Sbordone et al., 2007; Monaco et al.,
2005; McWilliam & Smecker-Hane, 2005), Fnx (blue: Letarte, 2007; Shetrone
et al., 2003), Scl (green: Hill et al. in prep; Shetrone et al., 2003; Geisler et al.,
2005) and Carina (magenta: Koch et al., 2008a; Shetrone et al., 2003). Open
symbols refer to single-slit spectroscopy measurements, while filled circles refer
to multi-object spectroscopy. The small black symbols are a compilation of the
MW disk and halo star abundances, from Venn et al. (2004a).
osynthesis. The most plausible candidate being SNII, although the exact mechanism
to provide the very large neutron densities needed is still under debate, (e.g., Sneden,
Cowan & Gallino, 2008, and references therein). This means that r-process elements
should contribute to the chemical enrichment of a galaxy with very little, if any, delay.
Obviously they need pre-existing Fe-peak seeds and are therefore not primary elements
such as α elements. One complication arises from the fact that most neutron-capture
elements (through their multiple isotopes) can be produced by either the s- or the r- pro-
cess, such as yttrium (Y), barium (Ba) or lanthanum (La). Among the few exceptions is
europium (Eu), which is almost exclusively an r-process product.
Fig. 13 compares Ba and Eu abundances in four dSph galaxies and in the MW. At first
glance, the Eu evolution in dSph galaxies resembles that of their respective α-elements
(see Fig. 11), as expected for an r-process originating in massive stars. In the MW, the
Ba and Y are dominated by the r-process for [Fe/H] ∼
< − 2.0 (e.g., Simmerer et al.,
2004; Johnson & Bolte, 2002), while the s-process dominates at higher metallicities (e.g.,
more than 80% of the solar Ba is of s-process origin).
At early times (at [Fe/H] < −1) there seems to be little difference between the various
dSphs, and the MW halo in Fig 13. However, there is a hint that at the lowest metallicities
([Fe/H] < −1.8), [Ba/Fe] increases in scatter and starts to turn down. This hint is
confirmed in the plot in Section 4.2 which includes other dSphs, although from much
smaller samples (Shetrone, Coˆte´ & Sargent, 2001; Fulbright, Rich & Castro, 2004; Aoki
et al., 2009). In fact, this scatter and downturn of [Ba/Fe] is a well known feature in
the MW halo (Franc¸ois et al., 2007; Barklem et al., 2005, and references therein), where
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Figure 14: Ratios of r- to s- process element production in the same four dSphs as
in Fig. 11, compared to the MW. Sgr (red: Sbordone et al., 2007; Monaco et al.,
2005; McWilliam & Smecker-Hane, 2005), Fnx (blue: Letarte, 2007; Shetrone
et al., 2003), Scl (green: Hill et al. in prep; Shetrone et al., 2003; Geisler et al.,
2005) and Carina (magenta: Koch et al., 2008a; Shetrone et al., 2003). Open
symbols refer to single-slit spectroscopy measurements, while filled circles refer
to multi-object spectroscopy. The small black symbols are a compilation of the
MW disk and halo star abundances, from Venn et al. (2004a).
it occurs at much lower metallicities ([Fe/H] < −3.0). So far we have extremely low
number statistics for dSphs and these results need to be confirmed in larger samples of
low-metallicity stars. These low r-process values at higher [Fe/H] than in the Galactic
halo would either mean that the dwarf galaxies enriched faster than the halo at the
earliest times or that the site for the r-process is less common (or less efficient) in dSphs.
The r-process elements are clearly useful tracers of early time scales, because unlike the α-
elements (in the halo and in dSphs) they show significant scatter in the lowest metallicity
stars. The r-process is thus produced in much rarer events than the α-elements and so
it can be a much finer tracer of time scales and enrichment (and mixing) processes.
The ratio of [Ba/Eu], shown in Fig. 14, indicates the fraction of Ba produced by the
s-process to that produced by the r-process. In dSphs, as in the MW, the early evolution
of all neutron-capture elements is dominated by the r-process (this was already noted
by Shetrone, Coˆte´ & Sargent, 2001; Shetrone et al., 2003). In each system, however,
the low and intermediate mass AGB stars contribute s-process elements, that soon start
to dominate the Ba (and other neutron capture elements) production. The metallicity
of this switch from r- to s-process ([Fe/H]∼ −1.8, the same as the [α/Fe] knee) is only
somewhat constrained in the Scl dSph. This turnover needs to be better constrained
in Scl and even more so in other galaxies to provide timing constraints on the chemical
enrichment rate. It could reveal the metallicity reached by the system at the time when
the s-process produced in AGBs starts to contribute.
For the more metal-rich stars ([Fe/H] > −1) there is also a distinctive behaviour of
[Ba/Fe] in dSphs (Fig. 13). In the Scl dSph the [Ba/Fe] values never leave the MW trend,
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but this galaxy also has almost no stars more metal-rich than [Fe/H]< −1. Fnx, on the
other hand, and to a lesser extent Sgr, display large excesses of barium for [Fe/H]> −1.
This is now barium produced by the s-process, and it shows the clear dominance of the
s-process at late times in dSphs.
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Figure 15: Trends of iron and neutron-capture elements as a function of α el-
ements in the same four dSphs as in Fig. 11, compared to the MW. Sgr (red:
Sbordone et al., 2007; Monaco et al., 2005; McWilliam & Smecker-Hane, 2005),
Fnx (blue: Letarte, 2007; Shetrone et al., 2003), Scl (green: Hill et al. in prep;
Shetrone et al., 2003; Geisler et al., 2005) and Carina (magenta: Koch et al.,
2008a; Shetrone et al., 2003). Open symbols refer to single-slit spectroscopy
measurements, while filled circles refer to multi-object spectroscopy. The small
black symbols are a compilation of the MW disk and halo star abundances, from
Venn et al. (2004a).
Fig. 15 shows the trends of [Fe/α], and [Ba/α] against [α/H]. The fact that [α/H]
keeps increasing significantly after the knee in the Scl dSph demonstrates that even in
this system which has no significant intermediate-age population, there was still ongoing
star formation contributing α enrichment from massive stars well after SNIa started
contributing. This is also confirmed by the presence of stars, which have [Fe/H] >
−1.8 (the knee), and were therefore formed after SNIa started exploding. In Fnx or
Sgr, the very flat, extended and high [Fe/α] plateau also shows that massive stars have
kept feeding the chemical enrichment all along the evolution, even though they do not
dominate the Fe enrichment. As for the s-process, the widely different behaviour of Scl,
Fnx and Sgr and the MW are even more striking viewed in this representation than they
were in Fig. 13, illustrating the total disconnect of massive stars nucleosynthesis to Ba,
and the strong influence of AGB stars at a time when massive stars do not drive the
metallicity evolution anymore.
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Figure 16: Mg (α element) and Ba (s-process element) abundances in dSphs,
uFds and the Galactic halo. The magenta symbols are abundances of stars in
uFds as measured by Frebel et al. (2009), for three stars in UMa II (squares)
and Coma (circles) and by Koch et al. (2008b, triangles) in Herc. These are
compared to the trends derived from Fig. 11 and Fig. 13 for Scl, Fnx and Sgr as
well as individual stellar abundances for all very metal-poor stars ([Fe/H]< −2)
in dSphs (Fulbright, Rich & Castro, 2004; Sadakane et al., 2004; Venn et al.,
2004a; Koch et al., 2008a; Aoki et al., 2009, , black open squares), and the MW
from the compilation by Venn et al. (2004a) and complemented by Cayrel et al.
(2004); Franc¸ois et al. (2007). The dSph trends were derived by a simple 10 points
running average on the data for each dSph galaxy with a sufficient statistics (more
than 20 measurements).
4.2 Ultra-Faint dwarf galaxies
Individual stars in the uFds that have recently been discovered around the MW have
so far been little observed at high spectral resolution. This is probably due to the
difficulty in confirming membership for the brighter stars in these systems. However,
several groups are currently following up confirmed members (typically selected from
lower resolution Ca II triplet observations) to derive abundances. So far, Koch et al.
(2008b) have observed two RGB stars in Herc (MV ∼ −6.6) and Frebel et al. (2009)
are following up RGB stars in the even fainter uFds UMa II and Coma (both with,
MV ∼ −4.). The latter study confirms that uFds do contain very metal-poor stars,
[Fe/H]< −3, (as found by Kirby et al., 2008), unlike the more luminous “classical” dSphs
(Helmi et al., 2006). It also appears that these uFds extend the metallicity-luminosity
relation down to the lower luminosities (Simon & Geha, 2007), see Section 3.3.
The two stars in Herc seem to have particularly peculiar abundance patterns, with high
Mg and O abundances (hydrostatic burning in massive stars), normal Ca, Ti abundances
(explosive nucleosynthesis in massive stars), and exceedingly unenriched in Ba (Koch
et al., 2008b). On the other hand, elemental ratios in the extremely metal-poor stars in
the two fainter dwarfs UMa II and Coma (Frebel et al., 2009) are remarkably similar to
Dwarf Galaxies 35
the MW halo extremely metal-poor stars. Fig. 16 compares Mg and Ba measurements
in faint dSphs, with all more luminous dSph stars that have [Fe/H] ∼
< − 2 (including
a new sample of 6 very metal-poor stars in Sextans by Aoki et al., 2009) and the MW.
In fact, only Sextans seems to have scattered and low [Mg/Fe] ratios, while other dSphs
and uFds all show similar [Mg/Fe] enhancements. The similarity between stars with
metallicities below [Fe/H] ∼
< − 2.5 in the MW and faint dwarfs is seen also in other light
elements, such as Na, Sc, Cr, Mn, Ni or Zn. This may also be true of more luminous
dSphs, see Section 4.1.
The overall similarity between all the most metal-poor stars for element ratios up to the
iron-peak can be taken as an indication that star formation and metal-enrichment, even at
the earliest times, and even in the smallest systems, has proceeded in a similar manner.
This may lead to the net yield of the very first stars. The very low dispersion found
in abundance ratios of these elements in Galactic extremely metal-poor stars (EMPS),
down to metallicities of [Fe/H] ∼ −4 came as a surprise (Cayrel et al., 2004): since it was
thought that one or a few SN II were sufficient to enrich the gas to those metallicities,
the expectation was that among EMPS the variety of metal-production sites (SN II of
different masses) would appear as dispersed abundance ratios. We are now adding to this
puzzle the fact that these well defined abundance ratios are also achieved by considerably
smaller halos.
The only discrepancy among the most metal-poor stars concerns the r-process element
Ba, that stands out below the MW halo distribution both for faint and somewhat more
luminous dSph galaxies. The most extreme low Ba abundances are found so far in Herc
(Koch et al., 2008b) and Draco (Fulbright, Rich & Castro, 2004), where only upper limits
were detected.
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Figure 17: Mg (α element) and Ba (s-process element) abundances in individual
super-giants in the dI galaxies Sex A (Kaufer et al., 2004), SMC (Venn, 1999;
Hill, Barbuy & Spite, 1997; Luck et al., 1998), NGC 6822 (Venn et al., 2001)
and WLM (Venn et al., 2003), compared to the trends derived from Fig. 11 and
Fig. 13 for Scl, Fnx and Sgr (see Fig. 16 for details on the trends). For the
SMC, the points are in fact the mean and dispersion of the samples studied in
the references given (∼ 6− 10 A, K and Cepheids super-giants respectively).
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4.3 Dwarf irregulars
The dIs are all (except the SMC) located at rather large distances from the MW and so
far, the only probes that could be used to derive chemical abundances in these objects
were HII regions and a few super-giant stars. Both types of probes allow a look-back time
of at most a few 10 Myr, and this is the end-point of a Hubble-time’s worth of chemical
evolution for any galaxy. This limitation makes it difficult to gather relevant information
to constrain the chemical enrichment over time in these systems. However, abundances
in HII regions and super-giants (see references in Table 1) are useful to understand how
dIs fit in the general picture of dwarf galaxies, and how they compare to larger late-
type galaxies. First, they give the present day metallicity of these systems, and all are
more metal-poor than the MW disk young population, in agreement with the metallicity-
luminosity relation (see for example van Zee & Haynes, 2006, for a relation based on
dIs within 5 Mpc), and range between 12 + log(O/H) ∼ 8.1 (e.g., NGC 6822, IC 1613)
to 12+ log(O/H) ∼ 7.30 (Leo A), or [O/H]∼ −0.6 to −1.4. Both HII regions and super-
giants typically agree on the oxygen abundances of the systems, within the respective
measurement uncertainties (Venn et al., 2003; Kaufer et al., 2004), with little metallicity
dispersion within a galaxy, and no spatial gradient (e.g., Kobulnicky & Skillman, 1997;
van Zee, Skillman & Haynes, 2006; van Zee & Haynes, 2006). This holds even in the
most metal-poor galaxies, and suggests a very efficient mix of metals across the galaxy
despite the clumpiness of the ISM and ongoing star-formation. The shear within these
systems is expected to be very low, and this has been taken as an indication that mixing
occurs in the gaseous hot phase, before the gas cools down to form new stars (e.g., van
Zee, Skillman & Haynes, 2006).
A to M type super-giants have a further interest as they provide the present-day [α/Fe]
ratios in dIs, which are not accessible from HII regions where typically only light elements
(e.g., He, N, O, Ne, S, Ar) can be measured, and and no iron (nor any other element
that would trace SNIa).
The first dI where abundances of stars were measured was of course the SMC in our
backyard. The largest samples to date with abundances in SMC are of super-giants
which can be found in Hill, Barbuy & Spite (1997, K-type stars), Luck et al. (1998,
F-type stars) or Venn (1999, A-type stars). Similar studies in more distant dIs needed
efficient spectrographs on 8−10m telescopes, and at the expense of observing for many
hours a few stars detailed abundances have been observed in A-type super-giants out
to distances of 1.3 Mpc. This work has been pioneered by K. Venn and collaborators
using A-type stars (Venn et al., 2001, 2003; Kaufer et al., 2004) in NGC 6822, Sextans A
and WLM. There has also been a more recent study using M-type stars in IC 1613 by
Tautvaiˇsiene˙ et al. (2007).
Fig. 17 illustrates the observed low [α/Fe] in these systems, and compares them to the
observed trends of older populations (RGB stars) in dSph galaxies, as defined in Figs. 16
& 11. These low [α/Fe] are expected in galaxies that have formed stars over a long period
of time, however; they clearly occur at much lower metallicities than in larger systems
such as the MW or the LMC, pointing towards an inefficient metal-enrichment of the
galaxy (low star formation and/or metal-losses through winds). It is interesting to see in
Fig. 17 how dIs actually prolong the trends of dSph galaxies, not only for α elements but
also for neutron-capture elements. From these diagnostics, dSphs are entirely consistent
with being dIs that lost their gas at a late stage of their evolution. The Fnx dSph and the
SMC, which are both dominated by intermediate-age populations, are also quite similar
in their chemical enrichment, except that Fnx ran out of gas (or lost its gas) and stopped
star formation about 108yr ago.
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5 Chemical Evolution Models
The detailed evolutionary histories of dwarf galaxies have intrigued astronomers for
decades. One of the main reasons of interest is that they are often extremely low
metallicity systems, and thus assumed to be highly unevolved. Their low abundances
of metals and helium, derived from HII region spectra, allow the determination of the
primordial helium abundance with a minimum of extrapolation (e.g., Peimbert & Torres-
Peimbert, 1974; Izotov & Thuan, 1998; Olive, Steigman & Skillman, 1997; Izotov, Thuan
& Stasin´ska, 2007) and thus provide insights into Big Bang Nucleosynthesis.
Most recently dwarf galaxies have been of interest due to their cosmological importance
as potential building blocks of larger systems. Nearby dwarf galaxies are the closest we
can get to the detailed study of a primordial system. They typically have relatively simple
structures and often very low metallicities. We assume that because small systems are
believed to be the first to collapse in the early universe it was galaxies like these that
were the first to form and are thus potential hosts of the first stars. Their widespread
distribution throughout the early Universe also makes them suitable candidates to be able
to re-ionise the Universe uniformly and rapidly (e.g., Choudhury, Ferrara & Gallerani,
2008; Stark et al., 2007). Recently there have been large samples of stellar abundances of
individual stars obtained in nearby dwarf galaxies [e.g.][Hill et al. 2009, in prep.](Letarte,
2007; Monaco et al., 2007). These will provide a wealth of information on chemical
evolution through time, and determine the accurate evolutionary path of these small
systems and their contribution to Universal processes such as the build up of metals in
the Universe.
Beatrice Tinsley, beginning in the mid 1960s pioneered the field of galactic chemical
evolution modelling. The cornerstones were laid by E. Salpeter in 1955 with his paper
on the IMF and in 1959 with his first determination of the effects of stellar evolution on
the metallicity evolution of stellar populations. This work was extended by M. Schmidt
in 1959 and 1963 to determine universal predictions for the SFR in a galaxy. Tinsley
however provided the first full description of the theoretical modelling of galactic chemical
evolution and of its relevance to many astrophysical topics. In 1968 she was already
studying the evolutionary properties of galaxies of different morphological types (Tinsley,
1968), and with subsequent seminal papers (Audouze & Tinsley, 1976; Tinsley, 1980) she
set the stage for all future studies of galactic chemical evolution. Since the late seventies
(e.g., Lequeux et al., 1979) a wealth of chemical evolution models have been computed
for dwarf galaxies in general and for late-type dwarfs in particular (see e.g., Matteucci &
Chiosi, 1983; Pilyugin, 1993; Marconi, Matteucci & Tosi, 1994; Carigi et al., 1995; Tosi,
1998, and references therein).
The predictions of early models of the chemical evolution of dwarf galaxies were far
from unique (as reviewed e.g., by Tosi, 1998), because few observational constraints were
available: the ISM chemical abundances (helium, nitrogen and oxygen as derived from
the emission lines of HII regions), and the gas and total mass (mainly from 21 cm radio
observations). These data define present-day galaxy properties, and do not constrain the
early epochs. This allows for little discrimination between different models which may
have very different paths to the same end point. Star formation laws, IMF and gas flows
could be treated as free parameters and with their uncertainties it was inconceivable to
model the evolution of individual galaxies, unless unusually rich in observational data.
In practice, until recently, only the Magellanic Clouds were modelled individually (e.g.,
Gilmore & Wyse, 1991; Pagel & Tautvaisiene, 1998), even though many constraints were
still missing (e.g., accurate field star metallicity distribution, detailed abundances in older
populations, etc.). It is fair to ask how good the predictions of some of these models were
because 30 years later we are still arguing whether or not dIs and BCDs differ only in the
recent SFH, and if BCDs are actually ancient systems with a recent burst, as predicted
by Lequeux et al. (1979), or something entirely different.
Detailed chemical evolution models of individual dwarf galaxies have recently become
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possible as more accurate SFHs become available combined with large samples of stellar
abundances for individual stars over a range of ages. This provides an accurate age-
metallicity relation which is a key constraint for chemical evolution models.
5.1 Explaining Low Metallicity
One of the major challenges for chemical evolution models of dwarf galaxies has always
been to reconcile their low observed metallicity with the fairly high SFR of the most
metal-poor systems, many of which are actively star-forming BCDs. Historically, three
mechanisms have been envisaged to accomplish this task (Matteucci & Chiosi, 1983):
• variations in the IMF; steeper IMF slopes and/or mass range cut-offs have been
proposed to reduce the chemical enrichment from massive stars;
• accretion of metal free, or very metal-poor gas, to dilute the enrichment of the
galaxy;
• metal-rich gas outflows, such as galactic winds, triggered by supernova explosions
in systems with shallow potential wells, or gas stripping due to interactions with
other galaxies or with the intergalactic medium to efficiently remove the metal
enriched gas from the system.
Whether one of these mechanisms is preferable or a combination of any or all of them
is required is still matter of debate. When detailed numerical models were computed
it was immediately recognized that metal enriched winds are the most straightforward
mechanism to recreate the observed properties of dwarf galaxies (Matteucci & Tosi, 1985;
Pilyugin, 1993; Marconi, Matteucci & Tosi, 1994; Carigi et al., 1995). The infall of metal-
poor gas can in principle explain the evolution of gas-rich dwarfs, but gas accretion is also
most likely to trigger more star formation and chemical enrichment. This can quickly lead
to more rapid enrichment of small dwarf galaxies. Bottom-heavy IMFs imply abundance
ratios for elements produced by stars of different mass which are at odds with the observed
values, see section 4.1.1.
5.2 Galactic Winds
It was first proposed by Larson (1974) that gas could be blown out by internal energetic
events related to star formation, such as stellar winds and supernovae explosions. These
processes can accelerate metal-rich stellar and supernova ejecta beyond the escape veloc-
ity of small dwarf galaxies (e.g., Heiles, 1990; Tenorio-Tagle, 1996; Rieschick & Hensler,
2003; Fujita et al., 2004). The theory is periodically further developed (e.g., Dekel &
Silk, 1986; D’Ercole & Brighenti, 1999; Mac Low & Ferrara, 1999; Ferrara & Tolstoy,
2000; Legrand et al., 2001; Tassis et al., 2003; Marcolini et al., 2006; Salvadori, Ferrara
& Schneider, 2008), and naturally explains the well established correlation between lu-
minosity and metallicity (e.g., Skillman, Kennicutt & Hodge, 1989; Gallazzi et al., 2005),
as smaller galaxies are less able to retain their heavy elements. It can also explain the
structural similarities observed by Kormendy (1985), and it has even been suggested
that many dwarf galaxies have lost most of the gas mass they originally possessed and
hence follow the structural relations regardless of the current gas mass fraction (Dekel
& Silk, 1986; Skillman & Bender, 1995). However this theory cannot explain why some
galaxies loose all their gas very early and some relatively recently. There has been no
global parameter, such as mass, found to explain this. Hence the influence of tidal effects
is considered to play an important, but hard to verify, role (e.g., Lin & Faber, 1983). It
may also be related to the varying initial conditions under which different galaxies may
have formed, or perhaps also the density of the DM halo in which they reside.
Galactic winds have been predicted by hydrodynamical simulations (D’Ercole & Brighenti,
1999; Mac Low & Ferrara, 1999) to be able to remove a large fraction of the elements
synthesized by SNII as well as a fraction of the galaxy ISM. Thus galactic winds can be
quite effective and lead to a significant reduction of the ISM enrichment. The strength
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of this effect depends both upon the galaxy mass, or the depth of the potential well, and
on the intensity of the star formation, and thus the number of SN explosions that can
be expected. This is precisely what is needed by chemical evolution models to reproduce
the observed properties of dwarfs. Moreover, there is increasing observational evidence
for starburst driven metal-enriched outflows (e.g., Meurer et al., 1992; Heckman et al.,
2001; Martin, Kobulnicky & Heckman, 2002; Veilleux, Cecil & Bland-Hawthorn, 2005;
Westmoquette, Smith & Gallagher, 2008). Whether early-type dwarfs are connected to
late-type dwarfs, as the extreme consequence of tremendous winds from originally gas-
rich dwarfs or the consequence of gas stripping or ram pressure in harsh environments
is difficult to say. The evidence that gas-poor dwarfs are preferentially located in denser
environments than gas-rich ones (Binggeli, Tarenghi & Sandage, 1990) seems however to
favour the stripping scenario.
5.3 Modelling Individual systems
Two kinds of models for individual galaxies are commonly used: standard chemical evo-
lution models and chemo-dynamical models. The standard models follow the evolution
of individual elements, taking into account global parameters such as mass of the system,
gas flows and IMF, and stellar parameters such as their chemical yields and lifetimes,
but make very simplistic assumptions (if any) on stellar and gas dynamics (see Tinsley,
1980, for a comprehensive and still relevant review). The chemo-dynamical models deal
with the dynamical processes in great detail. Standard models are quite successful in
predicting large-scale, long-term phenomena, but their simplistic treatment of stellar and
supernovae feedback and of gas motions, is an obvious drawback. Chemo-dynamical mod-
els are more able to account for small-scale, short-term phenomena, but the timescales
required to run hydrodynamic codes and the errors that start to creep in have made them
less successful to follow galactic scale evolution over more than a Gyr. The challenge in
the next few years is to improve both types of approaches and get a more realistic insight
into how stars and gas evolve, chemically and dynamically, in their host galaxies.
5.3.1 Standard Models A number of standard models have been computed
for nearby dSphs adopting the individual SFHs derived from deep HST photometry and
comparing the model predictions with the stellar chemical abundances inferred from
new generation spectroscopy. Carigi, Hernandez & Gilmore (2002) analysed Carina,
Ursa Min, Leo I, and Leo II and suggested a relation between the duration of the star
formation activity and the size of the dark matter halo. Lanfranchi & Matteucci (e.g.,
Lanfranchi, Matteucci & Cescutti, 2008, and references therein) devoted a series of papers
to the chemical evolution of Carina, Draco, Sgr, Sextans, Scl and Ursa Min reaching the
conclusion that, to reproduce the observed stellar abundance ratios and age-metallicity
relations, they need low star formation and high wind efficiencies. They suggest that a
connection between dSphs and BCDs is unlikely.
Due to the lack of stellar spectroscopy available for more distant dI galaxies chemical
evolution models with the detailed approach applied to nearby dSphs have been computed
only for NGC 6822 (Carigi, Col´ın & Peimbert, 2006), the closest dI in the Local Group
beyond the Clouds. Models assuming the SFH derived from HST CMDs have been
computed also for the starburst dwarfs NGC 1569 and NGC 1705 (Romano, Tosi &
Matteucci, 2006), a few Mpc outside the Local Group. Projects are in progress to model
the chemical evolution of the Magellanic Clouds with the level of detail and reliability
achieved so far only for the solar neighbourhood, as soon as their SFHs and age-metallicity
relations are derived (e.g., Tosi et al., 2008). The situation is expected to improve
significantly with the advent of new generation instruments on HST, VLT and eventually
Extremely Large Telescopes, which will allow to measure reliable stellar metallicities at
larger distances.
5.3.2 Chemo-dynamical models To date chemo-dynamical models have mainly
been used to study the effects of feedback from supernovae explosions in a variety of con-
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ditions. They can analyse in detail the heating and cooling processes and put important
constraints on the onset and fate of galactic winds, stripping and ram pressure. However,
they are not yet able to follow the evolution of a galaxy over the entire Hubble time as-
suming empirically derived SFHs. They have been applied to resolved starburst dwarfs
with SFH derived from HST photometry (e.g., Recchi et al., 2004, 2006, for I Zw 18 and
NGC 1569) and to a few nearby dSphs (see Fenner et al., 2006; Marcolini et al., 2006,
2008, for Draco, and Scl and Fnx).
5.3.3 Model predictions and observed abundances The different time
scales for the chemical enrichment of elements produced by different stellar processes are
particularly useful to constrain chemical evolution models. This is especially true for r-
and s- process elements, and for Ba in particular. Only a few models (Fenner et al.,
2006; Lanfranchi, Matteucci & Cescutti, 2008, and references therein) are recent enough
to have their predictions compared with the abundance patterns measured in dwarfs (as
shown in Section 4). They thus deserve a few more words of comment. Both types of
models reproduce fairly well the observed properties of the galaxies they are applied to,
although sometimes they need to assume chemical yields different from those available
in the literature (Lanfranchi, Matteucci & Cescutti, 2008, and references therein).
[Ba/Fe] is one of the few elements known to have a very large spread at low metallicities
(e.g., Franc¸ois et al., 2007), see Fig. 16. At early times Ba is produced by the r-process
which must be a rare occurrence and thus sensitive probe of enrichment timescales.
The strong rise of [Ba/Fe] seen in Fnx or Sgr (and the LMC Pompeia et al., 2008) is
clearly attributable to the s-process, that is AGB stellar wind pollution. This is currently
not well predicted by chemical evolution models of dSphs such as those of Lanfranchi,
Matteucci & Cescutti (2008), and Fenner et al. (2006), probably because of the lack of
adequate stellar yields. In these models, the galactic wind removes the gas and makes the
SFR drop suddenly, preventing high-mass stars from contributing to the enrichment and
thereby lowering the r-process contribution to the neutron capture elements. But the
wind does not prevent low and intermediate mass AGBs from contributing significantly
to the ISM. The decreasing r-process contribution is indeed observed in Fig. 14 with the
continuous rise of [Ba/Eu] in Fnx in the range [Fe/H] > −0.8, but this decrease of the
r process also acts to prevent [Ba/Fe] from rising: in fact, in these models, [Ba/Fe] (or
[La/Fe]) decrease slightly at high metallicities. The models of Fenner et al. (2006) aim to
reproduce the abundances of the Scl dSph, and indeed there is a turn up of [Ba/Fe] that
is linked to the rise of the s-process, but [Ba/Fe] at low metallicities in Scl is strongly
underestimated in the models compared to observations. This is probably due to the
strong winds in these models, efficiently removing metals produced by massive stars,
including the r-process that makes Ba at low metallicities. These models also predict
low α elements down to the lowest metallicities in the systems, which is also not observed.
In these models, the low-metallicity AGB stars that produce the s-process responsible
for the [Ba/Fe] upturn, also produce the right [Ba/Y].
Finally, Fig. 14 shows that, in the domain where the neutron-capture enrichment is
dominated by the s-process, [Y/Ba] in dSphs are exceedingly low. The most straight-
forward interpretation assumes that low-metallicity AGB stars dominate the s-process.
Suggesting that in these stars nucleosynthesis favours high-mass nuclei over lower mass
ones, as the result of less numerous seed nuclei (iron mostly) being bombarded by similar
neutron fluxes to those at higher metallicities. However, this simple minded explanation
has so far lacked any quantitative prediction to be tested against observations, owing
largely to the uncertainties plaguing the detailed s-process computations (thermal pulses
in AGBs are a challenge to model). Another interpretation put forward by Lanfranchi,
Matteucci & Cescutti (2008) is that low [Y/Ba] is reached by simply decreasing the r-/s-
fractions at late times (as above, due to galactic winds loosing preferentially r-process
elements). Again, the models are not able to reproduce the steep rise in heavier s-process
elements such as Ba. This shows us that yields inferred from the solar neighbourhood
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are not adequate. Although they can reproduce the abundance patterns in the halo and
disk of the MW, they cannot easily also reproduce the abundances of dSphs, such as Fnx
and Sgr, nor the LMC.
6 Concluding Remarks
In this review we have provided an overview of the current understanding of the detailed
properties of dwarf galaxies from studies of their resolved stellar populations. This
includes CMD analysis, to determine accurate SFHs, as well as low and high resolution
spectroscopy, to determine kinematic and chemical properties of stars over a range of
ages.
Most dwarf galaxies in the Local Group have structural properties similar to each
other and to larger late-type and spheroidal systems (section 1). Early-type dwarfs tend
to extend to fainter magnitudes, with transition types being found at the faint end of the
dI distribution. The fact that there exists a transition type, intermediate in properties
between a dSph and a dI, supports the idea that there is an evolutionary pathway. The
transition between early and late types may indicate the average mass at which galaxies
will always loose their gas, especially if they spend time in the vicinity of a large galaxy.
But of course this mass will be dependent on the environment that a galaxy has passed
through, which could explain why this is not a sharp cut-off. Despite numerous caveats
and regardless of size, luminosity and SFH all dSph and dI galaxies in the LG (and
beyond) appear to overlap along a straight line in the MV − µV , plane (see top panel,
Fig. 1), a relation which is unchanged over a range of ≈15 magnitudes in MV .
The continuity of structural properties from dwarf galaxies to larger spheroidal and
late-type systems is most likely dominated by physical processes that scale with mass. For
example, the efficiency with which gas and/or metals can be lost to a system during its
evolution through supernova winds and/or interactions. Thus, early-type dwarf galaxies
in the Local Group must have suffered the largest effect due to interactions with large
galaxies, as has already been suggested from the morphology-density relation. Accurate
SFHs have been determined for a range of dwarf galaxy types (see section 2), The different
classes of dwarf galaxies have different rates of present day star formation activity and
possibly also different degrees of past disruption. However the past SFHs of early and
late-type systems bear strong similarities to each other (see Fig. 5). There is evidence for
interruptions and enhancements in the SFHs of dwarf galaxies. This is especially true of
early-types, a few of which have experienced star formation activity only at the earliest
epochs, but most have had extended or recurrent star formation activity. No genuinely
“young” galaxy (of any type) has ever been found; stars are always found at the oldest
lookback times observed.
The SFHs of BCDs (i.e., comparing Fig. 5 with Fig. 8), are also broadly similar to
dIs. However the recent SFRs in BCDs are usually much higher than in dIs. The SFRs
in BCDs are more similar to those found in active star forming zones with HII regions
in the SMC (Fig. 7) or in the MW, with the difference that the BCDs are forming stars
globally, dominating the entire galaxy. All the BCDs which have been studied in detail
(see section 2.3) have apparently had their strongest star formation episode recently,
unlike dIs. This is most likely a selection effect due to the difficulty in finding distant
low luminosity dwarf galaxies, unless they happen to be currently actively forming stars.
Spectroscopy of individual stars has helped to define the detailed chemical and kine-
matic properties of stellar populations of different ages in nearby dSph systems and in
comparison to larger systems such as the MW and the LMC (sections 3 & 4). The chem-
ical enrichment of dwarf galaxies seems to be dominated by effects that are most likely
dominated by gas and metal loss. The least massive systems actually seem to loose such
a large fraction of their metals during star formation episodes that star formation has
a slow effect on the global chemical evolution (see section 5). This means that galaxies
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with the same mass but quite different SFHs end up with the same final metallicity,
consistent with the well known mass/luminosity-metallicity relation for dwarf galaxies.
One clear mismatch in the physical properties between early and late type dwarfs is
that the HI gas in the brighter late-types, such as SMC, NGC 6822 and IC 1613, is
rotating with ∼20−60kms−1. Such high rotation values are never seen in the stars of
early-type dwarfs. However, we really do not know if old and young stars in dwarf galaxies
can have different kinematic properties, such as is seen in the MW. The kinematics of
late-type galaxies has always been measured using HI gas, out of which their young
populations are currently forming. Early-type galaxies, on the other hand, are of necessity
probed using only their old or even ancient stellar populations. A careful comparison of
the kinematics and metallicity distributions of equivalent tracers in early and late type
galaxies has still to be made.
The abundance patterns of RGB stars for large samples of individual stars, typically
in dSph galaxies (section 4), show that there are distinct differences in the chemical
evolution paths between galaxies. The rate at which α−enrichment occurs varies between
systems. There are not yet large enough samples in a diversity of environments to really
say how this may or may not relate to the mass of a system, its SFH or the rate of
mass and/or metal loss. But stars do retain a clear abundance signature of the galactic
environment in which they were born. These patterns also extend to younger stars in
late-type systems, see Fig. 17.
The hierarchical theory of galaxy formation contains at its heart the concept of smaller
systems continuously merging to form larger ones. This leads to the general expectation
that the properties of the smaller systems will be reflected in the larger. Thus the
relationship between the properties of individual stars in small dwarf galaxies around the
MW, and stars in the MW is a recurrent theme (see section 4). From recent abundance
studies of low metallicity stars in dSphs, see Fig. 16, it seems likely that there exist
only narrow windows of opportunity when the merging of dwarf galaxies to form larger
systems would not lead to inconsistencies. To properly understand the constraints that
these kinds of data can put on the merger history of the MW requires more extensive
abundance studies of metal poor stars in dwarf galaxies, as well as a better theoretical
understanding of supernovae yields (including the r-process) and the mixing of ejecta
into interstellar gas. It also remains an open question how the uFds may relate to the
merger history of the MW, and if they can fully account for the deficiencies of the larger
types of dwarf galaxies as building block of the MW.
The Dark Matter content of dwarf galaxies is also of importance for the verification
of cosmological theories, as it indicates how galaxies we see today which may have lost a
significant fraction of their initial baryons relate to structures in cosmological simulations.
For an accurate determination of the dynamical properties it must be realised that dwarf
galaxies are not the simple systems they were once thought to be. To make assessments of
the total mass of small galaxies is complicated, not least because the dark matter halos
are likely to extend beyond the baryonic tracers, but also because there are multiple
components in the baryonic matter.
This review shows the inherent complexities that are involved in understanding even
the smallest galaxies. These low metallicity systems show a wealth of variety in their
properties, such as luminosity, surface brightness, star formation history (both past and
present), kinematics and abundances. However, there is strong evidence that they are
all part of a continuous distribution of galaxies from small to large.
... E quindi uscimmo a riveder le stelle.
(Dante Alighieri, La Divina Commedia, Inferno XXXIV, 139
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Table 1: Dwarf Galaxies with synthetic CMD SFH analyses: late and transition types in the Local Group
Galaxy D (kpc) MV
a rh (
′)b instrument (fov) look-backc ≤ 10 Myr 1 − 8 Gyr ≥ 10 Gyr Spectroscopy
LRd HRd HII
(1) (2) (3) (4) (5) (6) (7) (8) (9)e (10) (11) (12)
WLM 978±20 [1] -14.6 5.5 WFPC2 (160′′) [2] HB √ √ √ [3] [4] [5]
Sextans B 1370±180 [6] -14.2 3.9 ESO/2.2m (2′) [7] RGB √ √ ? ... ... [8]
NGC 3109 1300±200 [9] -15.8 13.3 ESO/2.2m (2′) [10] RGB √ √ ? ... [11] [12]
NGC 6822 460±5 [13] -15.1 40 INT/WFC (23′ × 11′) [14] RGB √ √ ? [15] [16] [17]
WFPC2 (160′′ [18] HB √ √ RRL[19]
Leo A 800±40 [20] -11.7 3.9 ACS (195′′) [21] oMSTO √ √ RRL[20] [22] ... [23]
Sextans A 1320±40 [24] -14.5 4.0 WFPC2 (160′′) [25] HB √ √ ? ... [26] [8,27]
IC 1613 721±5 [28] -14.6 11±3 WFPC2 (160′′) [29] MSTO √ √ √ ... [30] [31]
ACS (195′′) [32] oMSTO √ √ √
SagDIG 1050±50 [33] -12.2 1.7 ACS (195′′) [33] HB √ √ √ ... ... [34]
Pegasus 919±30 [35] -12.8 3.9 WFPC2 (160′′) [36] RGB √ √ ? ... ... [37]
DDO 210f 1071±39 [35] -10.6 1.6 Subaru (30′)/VLT (7′) [38] HB x √ √ ... ... x
LGS 3f 620±20 [39] -9.9 14.5±4.5 WFPC2 (160′′) [39] HB x √ √ [40] ... x
ACS (195′′) [41] oMSTO x √ √
Phoenixf 406±13 [42] -10.1 >8.6 WFPC2 (160′′) [43] HB x √ √ [44] ... x
Leo Tf 400±40 [45] -8.0 [45] 1.4 [45] LBT (23′) [46] HB x √ ? [47] ... ...
SMC 59.7±2.2 [48] -16.1 320 WFPC2 (160′′) [49] oMSTO √ √ √ [50] [51] [52]
LCO1m drift scan [53] MSTO
√ √ √
WFI (30′) [54] oMSTO √ √ √
ACS (195′′) [55] oMSTO √ √ √
GR 8 2200±400 [56,57] -12.3 [58] 1.0 [58] WFPC2 (160′′) [57] RGB √ √ ? ... ... [59]
aFrom Mateo 1998, updated using new distances, except where otherwise indicated
bHolmberg limit, from, Mateo 1998, except where otherwise indicated
cfaintest main features visible in the CMD: red giant branch (RGB), Horizontal Branch (HB), Main Sequence Turnoffs > 2 Gyr old
(MSTO), oldest Main Sequence Turnoffs (oMSTO)
dindividual RGB stars
eIf the CMD is ambiguous as to the presence of an HB, but the presence of ancient stars has been confirmed by the measurement of
RR Lyr variable stars, this is noted. A question mark signifies that there is not enough information to determine whether or not an ancient
population is present
ftransition types, gas but no star formation
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& Geha (2007); [48] Hilditch, Howarth & Harries (2005); [49] Dolphin et al. (2001); [50] Carrera et al. (2008); Harris & Zaritsky (2006); [51] Hill,
Barbuy & Spite (1997); Venn (1999); Evans et al. (2005); [52] Vermeij & van der Hulst (2002); [53] Harris & Zaritsky (2004); [54] Noe¨l et al. (2007);
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Table 2: Dwarf Galaxies with synthetic CMD SFH analyses: early-types in the Local Group
Galaxy D (kpc) MV
a rh (
′)b instrument (fov) look-backc ≤ 10 Myr 1 − 8 Gyr ≥ 10 Gyr Spectroscopy
LRd HRd HII
(1) (2) (3) (4) (5) (6) (7) (8) (9)e (10) (11) (12)
Carina 101±5 [1] -9.3 28.8±3.6 CTIO4m (15′) [2] oMSTO x √ √ [3] [4,5] x
WFPC2 (160′′) [6,7]f oMSTO x √ RRL[8]
Leo I 254±17 [9] -11.9 12.6±1.5 WFPC2 (160′′) [6,7,10]f oMSTO x √ RRL[11] [12] [4] x
Leo II 233±15 [13] -9.8 8.7±0.9 WFPC2 (160′′) [6,7]f oMSTO x √ √ [14] [15] x
WFCAM (14′) [16] HB x √ √
Ursa Min 70±9 [17] -9.0 50.6±3.6 WFPC2 (160′′) [6,7]f oMSTO x √ √ [18] [19] x
INT/WFC (23′ × 11′) [20] oMSTO x √ √
KPNO0.9m (23′) [21] oMSTO x √ √
Draco 76±6 [22] -8.6 28.3±2.4 INT/WFC (23′ × 11′) [23] oMSTO x √ √ [18] [19, 24] x
WFPC2 (160′′) [7] oMSTO x √ √
Sculptor 85.9±5 [25] -11.2 76.5±5 WFPC2 (160′′) [7] oMSTO x √ √ [26] [4, 27] x
Fornax 138±5 [28] -13.2 71±4 ESO/WFI (34′) [29] oMSTO x √ √ [30] [4, 31] x
FORS (7′) [32] oMSTO x √ √
Cetus 775±50 [33] -10.1 [33] 4.8[33] ACS (195′′) [34] oMSTO x √ √ [35] ... x
Tucana 880±40 [36] -9.6 3.7±1.2 ACS (195′′) [37] oMSTO x √ √ [38] ... x
NGC 185 616±26 [39] -15.5 16±2 NOT (3.8′) [40] TRGB x √ RRL[41] ... ... x
NGC 205 824±27 [39] -16.6 6.2±0.2 NOT (3.8′) [40] TRGB x √ RRL[42] [43] ... x
BooI 62±3 [44, 45] -5.8 [45] 12.8±0.7[45] SDSS (>8000o) [46] HB x √ √ [47, 48] [50] x
CVnI 220±20 [45] -7.9 [45] 8.5±0.5[45] SDSS (>8000o) [46] HB x √ √ [48, 49] ... x
UMaII 32±5 [45] -3.8 [45] ∼12[45] SDSS >8000o() [46] HB x √ √ [48] [51] x
aFrom Mateo 1998, updated using new distances, except where otherwise indicated
bHolmberg limit, from, Mateo 1998, except where otherwise indicated
cfaintest main features visible in the CMD: tip of the red giant branch (TRGB), Horizontal Branch (HB), oldest Main Sequence Turnoffs
(oMSTO)
dindividual RGB stars
eIf the CMD is ambiguous as to the presence of an HB, but the presence of ancient stars has been confirmed by the measurement of RR Lyr
variable stars, this is noted
fsame data set, different analyses
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